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ABSTRACT
Active galactic nuclei (AGN), which host actively accreting supermassive black
holes (SMBHs), present multiple mysteries. Primary among these are the physics of
inner accretion disks and the production of relativistic plasma jets. Observations of
two types of AGN, Seyfert galaxies and blazars, provide some of the most revealing
clues toward solving these mysteries. I examine the inner accretion flow of Seyfert
galaxies within∼ 10 Schwarzschild radii of the SMBH and the jet and its environment
of blazars within ∼ 10, 000 Schwarzschild radii of the SMBH based on their X-ray,
optical, and radio emission.
Through measuring the relativistic distortion of the X-ray emission from the
inner accretion disk, important properties of the inner accretion disk and black hole
can be determined, including the black hole spin. I present a measurement of the
spin of the SMBH at the center of the Seyfert Galaxy NGC 4151 through X-ray
spectroscopy with the NuSTAR and Suzaku X-ray observatories, showing that it has
a near-maximal value.
Through probing blazar jets on parsec (pc) scales with high-resolution Very
Long Baseline Array (VLBA) observations, fundamental details of AGN jets can be
determined. I present a multi-frequency study of ten blazar jets to probe the jet
vi
shape and magnetic field on pc scales with the VLBA. I show that the jet of 3C
273 is consistent with being conical with adiabatic lateral expansion on ∼pc scales.
From estimating the SMBH masses in these sources with observations of emission
lines with the Discovery Channel Telescope, I show that the regions probed with the
VLBA are at a distance comparable to the Bondi radius.
I discuss my results on the Seyfert galaxy NGC 4151 relative to the SMBH spin
census. I compare NGC 4151 with a blazar, 3C 273, to put my results in broader
context of AGN. I discuss the future of these studies with high spectral resolution
X-ray missions such as Athena and with high frequency, higher angular resolution
interferometric arrays such as the Event Horizon Telescope.
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Chapter 1
Introduction
1.1 Active Galactic Nuclei
Active galactic nuclei (AGN) are thought to be powered by accretion onto super-
massive black holes (SMBHs) at the centers of massive galaxies. AGN host galaxies
can have either a spiral or elliptical morphology and a wide range of star formation
rates. Roughly 10% of AGN contain powerful relativistic jets of plasma, which can
extend outside the host galaxy, as far as & 1 Mpc (e.g., Beckmann & Shrader 2013).
AGN can be classified at the most basic level as radio-quiet or radio-loud, according
to the strength of their radio emission, which is mainly synchrotron radiation from
relativistic plasma jets (Urry & Padovani, 1995). Fig. 1.1 shows a cartoon illustrat-
ing the basic features of radio-quiet and radio-loud AGN. In this section, I introduce
AGN phenomena: accretion disks, the broad emission-line region, and plasma jets. I
describe AGN classification, dominant radiation mechanisms (e.g., blackbody, spec-
tral lines, synchrotron, inverse-Compton), and the sub-classes of Seyfert galaxies and
blazars. Open questions are emphasized.
1.1.1 SMBH Accretion Disks
Stable orbits around black holes are possible down to the innermost stable
circular orbit (ISCO) radius, within which matter plunges almost ballistically into
the black hole. The ISCO radius is 6 rg ( rg ≡ GM/c2) for a Schwarzschild black hole
and can be as close as ∼ 1 gravitational radius ( rg ≡ GM/c2) from the black hole
1
2Fig. 1.1 Properties of radio-loud and radio-quiet AGN from the unified AGN scheme
presented in Urry & Padovani (1995). The central black hole is surrounded by an
accretion disk. On scales outside of the accretion disk, broad line region clouds
(shown in purple) orbit the central black hole on 10-100 lt-day scales. The parsec-
scale torus (shown in orange) makes it so that AGN are primarily classified by their
viewing angle, as indicated for the sub-classes of radio-quiet and radio-loud AGN
indicated by the arrows. The image was produced by M. Polletta and adapted from
Urry & Padovani (1995)
3(Bardeen et al., 1972) for a maximal, prograde spin (a ≡ cJ/GM2 = 0.998 where
J and M are the black hole angular momentum and mass, respectively) due to the
effects of frame-dragging. For reference, 1 rg ≈ 1AU for a 108 M black hole. The
thickness and extent of the disk is primarily dependent on the accretion rate. For
disks accreting at ∼ 1 − 30% of the Eddington limit, it is expected that the disk is
geometrically thin and optically thick (Shakura & Sunyaev, 1973a). In this accretion
rate regime, MHD simulations have shown that the disk truncates a short distance
inside the ISCO radius (Reynolds & Fabian, 2008; Penna et al., 2010); thus, the
ISCO radius sets the smallest possible scale of emission in AGN.
The temperature in the inner ring of the accretion disk relates to the SMBH
mass as T ∝ M−1/4. Ignoring relativistic effects, the temperature is the following
(Carroll & Ostlie, 2007):
Tdisk = (
3c5f
2κ¯σGMη
)1/4 (1.1)
where c is the speed of light, G is the gravitational constant, κ¯ is the Rosseland mean
opacity, f is the Eddington ratio, σ is the Stefan-Boltzmann constant, and η represents
the efficiency of the production of accretion luminosity. For SMBH accretion disks,
Tdisk ∼ 104 − 105 K, giving disk thermal emission that peaks in the UV. The disk
temperature is proportional to r−3/4 for radii much larger than the radius of the
disk’s inner edge. Angular momentum is thought be transported outward through
the disk via the magnetorotational instability (Balbus & Hawley, 1991).
The Kerr Metric
An astrophysically important feature of the Kerr metric is the ISCO radius,
within which stable orbits are impossible and objects fall nearly ballistically into the
black hole. The ISCO radius ranges from 1 rg, which corresponds to corotating orbits
around a maximally spinning black hole, to 9 rg, which corresponds to counterrotating
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Fig. 1.2 Properties of the Kerr metric in the plane perpendicular to the black hole
spin axis.
orbits around a maximally spinning black hole (Hartle, 2003). The event horizon is
the region within which not even light can escape and has a radius rEH = (1 +
√
1− a2) rg. These quantities are shown as a function of the black hole spin in
Fig. 1.2.
The UV Spectrum of AGN
The blackbody emission from a geometrically thin, optically thick disk is a
superposition of the blackbody emission from every ring in the disk: the flux density
of the disk is Fν =
∫ rout
rin
IνdΩ(r), where the specific intensity Iν is the Planck function.
Over a broad range of frequency, the disk blackbody emission has an approximate
5power-law relationship Fν ∝ νb with b ∼ 1/3, if, as mentioned above, the temperature
in the disk depends on radius as T ∝ r−3/4 (e.g., Melia 2009).
1.1.2 The Broad Line Region and the Torus
On sub-parsec scales, gas clouds orbit the SMBH in the broad emission-line
region (BELR or BLR). Gas in this region is close to an equilibrium temperature
of ∼ 104 K (Beckmann & Shrader, 2013). The gas has a relatively high density
(n ∼ 109−11 cm−3 ) and high velocities, giving rise to spectral lines with Doppler
widths on the order of ∼ 1000 − 10000 km s−1 . Reverberation studies have shown
that gas in the broad line region (BLR) is virialized (e.g., Gaskell & Martin 1988).
Clouds in the BLR can range in column density from optically thin to optically thick
(Beckmann & Shrader, 2013). Higher ionization species (including C IV) in the BLR
are located where there is a strong ionizing flux relative to the gas density near the
black hole. Lower ionization species (including Mg II) can exist in regions with lower
ionizing flux relative to the gas density, which includes regions farther from the black
hole and the shielded side of optically thick clouds (Gaskell & Martin, 2009).
On 0.1− 10 pc scales, AGN feature a torus of gas and dust that partially blocks
light from the inner-disk. The orientation with which we view the central SMBH
relative to the torus is a major factor that defines the classification of an AGN
(Antonucci, 1993; Urry & Padovani, 1995). The torus has a clumpy structure and
thermal emission peaking in the IR (Beckmann & Shrader, 2013). The ratio of the
torus height to torus radius is H/R ∼ 1 (Schmitt et al., 2001).
1.1.3 AGN Jets
SMBH jets are thought to be formed by accreting black holes although the
details of how the accretion process leads to powerful jets in ∼ 10% of AGN, and
not others, are not well understood. Near the SMBH, the polar component of the
6magnetic field in the jet is thought to be twisted into a helix by differential rotation,
accelerating and collimating high-energy plasma out to pc scales and beyond. Ac-
cording to the Blandford-Znajek mechanism (Blandford & Znajek, 1977a), a rotating
black hole powers the jet. Magnetic field lines experiencing frame-dragging near the
rotating black hole, and subsequent compressing of the field lines extracts black hole
angular momentum. The Blandford & Znajek (1977a) mechanism predicts that jet
power is correlated with the black hole spin as Pjet ∝ a2 for low-spin (a << 1)
black holes. Numerical simulations (e.g. Tchekhovskoy et al. 2011) have provided a
correlation between the square of the event horizon velocity and jet power for near
maximally rotating (a = 0.998, Thorne 1974) black holes.
On pc scales, bright, stationary features are seen in AGN jets that could be
standing shocks (e.g., Jorstad et al., 2001; Cawthorne et al., 2013; Jorstad et al.,
2017). The magnetic field becomes disordered near the first such shock, as judged
by relatively low levels of linear polarization in Very Long Baseline Array (VLBA)
images (e.g., Jorstad et al., 2007; Marscher et al., 2008). Some AGN jets sporadically
generate moving, radio-emitting knots, usually interpreted as shocks or “blobs” of
plasma. Ejection of these knots has been observed, in the radio galaxies 3C 111 and
3C 120, to follow short-term reductions in the X-ray flux from plasma near the SMBH
(Chatterjee et al., 2009, 2011). This correlation supports the theoretical expectation
that the jet base is situated near the SMBH. γ-ray variability is also associated with
blobs, in many cases as they pass through stationary features in the jet.
On galactic scales, the jet interacts with the interstellar and intergalactic media.
Radio-loud AGN are classified by the brightness and extent of their radio emission
with the Fanaroff-Riley (FR) classification. FR-I sources are less luminous and have
jets in which the brightest emission is relatively compact, although they can still
7be very extended. FR-II sources are more luminous and have bright radio emission
arising in extended, edge-brightened lobes (Beckmann & Shrader, 2013).
1.2 Seyfert Galaxies
Almost all Seyfert galaxies have a spiral morphology. Seyfert galaxies can be
divided into two subclasses, Seyfert 1 and Seyfert 2, as classified by their optical
emission line spectra and/or their hydrogen column density, NH , as measured in the
X-ray. In Seyfert 1 galaxies, relatively broad optical emission lines are observed, and
the hydrogen column density along the line of sight is on the order ofNH . 1022 cm−2 .
In the torus model, these properties suggest that we view the accretion disk and
broad-line region directly, unobscured by the torus. Seyfert 2 galaxies have relatively
narrow optical emission lines and NH & 1022 cm−2 . In the AGN unified scheme,
dust and gas in the torus obscures the broad-line region for these objects. This
classification of Seyfert galaxies was supported by Antonucci & Miller (1985), who
observed that the Seyfert 2 galaxy NGC 1068 has broad optical emission lines like a
Seyfert 1 when observed in polarized scattered light.
Because of their relatively faint jets and bright disks, Seyfert galaxies are good
sources for probing SMBH accretion disks. However, Seyfert galaxies produce X-rays
from regions on scales as small as the inner edge of the SMBH accretion disk out
to galactic scales. To probe the inner accretion disk region, emission from all scales
must be disentangled via X-ray spectroscopy, as most Seyfert galaxies are unresolved
with X-ray telescopes. As described below, X-ray astrophysicists have developed a
general picture of the inner accretion disk region. However, many of the basic details
of this picture are not well constrained.
81.2.1 X-ray Spectrum of a Seyfert Galaxy
The dominant X-ray continuum emission in Seyfert galaxies is commonly
thought to be produced by Comptonization of black hole accretion disk thermal
emission by a hot electron coronal plasma (e.g. Haardt et al. 1994, Reynolds &
Nowak 2003). The corona could correspond to an accretion disk atmosphere or the
base of a jet (e.g., Markoff et al. 2005). Seyfert galaxies can produce weak jets,
although they are generally radio weak (Ghisellini et al., 2004). For some AGN, the
corona is compact, with a characteristic distance from the accretion disk D . 10 rg,
as inferred from X-ray micro-lensing, reverberation, and eclipse measurements (e.g.,
Chartas et al. 2009; Zoghbi et al. 2012; Reis & Miller 2013; Sanfrutos et al. 2013 and
references therein). Because of the compact sizes inferred for AGN coronae, their
detailed geometry has been difficult to determine.
Coronal X-ray emission is reprocessed in the black hole accretion disk, which
primarily produces relativistically skewed fluorescent Fe Kα line emission (rest-frame
energy E = 6.4 keV for neutral Fe) and a Compton scattered ‘hump’ at energies
E & 10 keV (e.g., Fabian et al. 1989, George & Fabian 1991). Through measuring
the relativistic distortion of the inner accretion disk reflection, important properties
of the inner accretion disk and black hole can be determined, including the black
hole spin (Brenneman 2013, Reynolds 2013b, and references therein). The spin
encodes the accretion and merger history of a SMBH (Berti & Volonteri, 2008).
Building upon the census of SMBH spin measurements currently in the literature
(e.g., Brenneman 2013, Reynolds 2013b, Walton et al. 2013, and references therein)
is crucial for understanding SMBH evolution. SMBH spin also likely plays a critical
role in driving AGN outflows and jets that deposit matter and energy into their
environment (e.g., Fabian 2012).
9Nuclear emission is absorbed in several regions commonly associated with ion-
ized outflows (e.g., Elvis 2000), the broad-line region (Antonucci 1993; Urry &
Padovani 1995), and/or a molecular torus (e.g., Krolik & Begelman 1988). Ab-
sorption and relativistic reflection can produce similar spectral features in the Fe K
band. This has led some authors to suggest that the inner disk reflection features
actually arise purely from absorption and Compton scattering in material relatively
far from the black hole, where relativistic effects are negligible (e.g., Miller et al.
2009). Intrinsic AGN absorbers are commonly modeled as uniform screens of mate-
rial, which does not account for the geometry of the system. Observations of several
AGN, including NGC 1365 (e.g., Risaliti et al. 2005; Maiolino et al. 2010; Brenneman
et al. 2013) and NGC 4151 (e.g., Puccetti et al. 2007), reveal large variation in the
absorbing material on daylong time-scales, which may indicate that the AGN corona
and accretion disk are being eclipsed by clumpy, absorbing gas. In one Chandra ob-
servation of NGC 1365, the column density became greater than NH ∼ 1×1024 cm−2
(e.g., Risaliti et al. 2007), as further characterized in Fig. 1.3. Analyses of the time-
resolved inner disk spectrum during an eclipse (Risaliti et al., 2011) have provided
constraints on the inner disk emission.
Deconvolving the spectral signatures of coronal emission, reflection from the
black hole accretion disk, and intrinsic absorption has been limited by the narrow
energy bandpass (∼ 0.1 − 10.0 keV) covered by current high sensitivity, moderate
energy resolution X-ray observatories (such as Chandra and XMM-Newton) and the
low sensitivity of X-ray observatories with broadband (∼ 0.1−100 keV) instruments
(such as Suzaku, Integral, and BeppoSAX ). Consequently, current theoretical models
of AGN X-ray emission greatly simplify the non-uniform, dynamic states of AGN.
Broadband observations of AGN with high sensitivity X-ray observatories and sim-
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Fig. 1.3 Properties of the eclipse of the X-ray continuum source (S) by an optically
thick cloud (C) in NGC 1365 observed during six 15 ks observations over a 10 day
monitoring campaign as published in Risaliti et al. (2007). The time-scale of the
eclipse ingress and primary eclipse phase allowed for constraining the continuum size
to Ds ∼ 1014 cm and eclipsing cloud distance at ∼ 1016 cm, which is consistent with
the broad-line region separation.
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ulations allow the complex, variable signatures of absorption, coronal emission, and
inner disk reflection to be definitively separated.
1.3 Blazars
Blazars, which are the most luminous persistent cosmic object, are AGN with
extremely variable nonthermal emission from a relativistic jet directed toward the
Earth (e.g., Blandford & Ko¨nigl, 1979). The jets form as a byproduct of accretion
of gas by an SMBH located at the center of the AGN. The leading theory proposes
that the jets are the result of magnetic fields, twisted into a helical geometry by
differential rotation near the SMBH, accelerating and collimating high-energy plasma
out to parsec (pc) scales and beyond (Blandford & Znajek, 1977a). Additionally, the
opening angle of the jet, φ, is expected to relate to the inverse of the Lorentz factor
of the jet flow, Γ, as tanφ ∝ 1/Γ (e.g., Vlahakis & Ko¨nigl 2004).
Blazars are divided into two classes: BL Lac objects (BL Lacs) and flat-spectrum
radio quasars (FSRQs). The primary difference between the two classes is that
FSRQs have strong optical emission lines, which are weak and relatively narrow, or
missing, in BL Lacs. FSRQs are generally more luminous and have spectral energy
distributions (SEDs) with synchrotron and inverse-Compton components peaking at
lower frequencies than many BL Lacs (Beckmann & Shrader, 2013).
1.3.1 SED of Blazars
The SED of a blazar is dominated by non-thermal emission from the jet that
spans the electromagnetic spectrum. Basically, the SED features a synchrotron com-
ponent that peaks at lower energies (IR to soft X-ray) and an inverse-Compton com-
ponent that peaks at higher (γ-ray) energies, which gives the SED a double-peaked
shape (e.g., Beckmann & Shrader 2013). Relativistic electrons spiraling around mag-
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netic fields in the jet produce the synchrotron component. Photons that gain energy
via collisions with relativistic electrons in the jet make up the inverse-Compton com-
ponent. It is thought that the seed photons for inverse-Compton scattering can
be produced internal to the jet by synchrotron radiation (called synchrotron self-
Compton; SSC) and/or external to the jet (called external Compton; EC) in regions
such as the accretion disk, broad-line region, or torus (e.g., Beckmann & Shrader
2013).
The synchrotron spectrum from a uniform source has a dependence on frequency
F ∝ ν5/2 in the optically thick regime at low frequencies (e.g., Rybicki & Lightman
1979). It has a turnover at a frequency where the optical depth due to synchrotron
self-absorption is τssa,ν ∼ 1, and it has a dependence F ∝ ν−α in the optically thin
region at higher frequencies. If the electron energy distribution has a power-law
dependence on energy with slope -s, α = (s − 1)/2. The synchrotron spectrum of
a blazar is often comprised of a superposition of many synchrotron emitting regions
in the jet, which causes the overall synchrotron spectrum of the jet to have a flatter
slope than the synchrotron spectrum of a single emitting region. The conditions in
blazar jets are such that τssa,ν ∼ 1 typically falls in the radio regime, so that the
synchrotron emission is in the optically thin regime in the IR and optical.
Synchrotron radiation is highly linearly polarized, so such emission from a region
with an orderly, unidirectional magnetic field will also have a degree of polarization
p ∼ 70% (Rybicki & Lightman, 1979). However, synchrotron radiation arising from
a region with a chaotic magnetic field geometry will have a low degree of polarization
as a result of polarizations from different locations largely canceling out. At radio
frequencies, the plane of polarization can be rotated when passing through a magne-
tized plasma via Faraday rotation by an angle ∆χ = RMλ2. The rotation measure
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(RM) depends on properties of the magnetized plasma as
RM =
e3
8pi20m2ec
3
∫ L
0
neB‖ds (1.2)
where ne is the electron density, B‖ is the magnetic field strength along the line of
sight, and L is the path length of the linearly polarized light through the plasma.
Different Faraday rotation maps are expected for varying properties of the ‘Faraday
screen’, including whether the ‘screen’ is internal or external to the jet and whether
the magnetic field geometry is orderly or chaotic. On the pc scales of the mm-wave
‘core’, the jet magnetic field may be transitioning from being ordered to chaotic.
Thus, measurements of Faraday rotation can probe the jet magnetic field on pc
scales if the Faraday screen is internal to the jet. Otherwise, they can reveal physical
properties of the medium surrounding the jet.
1.4 Thesis Questions
This dissertation investigates the inner regions of AGN accretion disks and jets
by addressing the following questions:
1. What are the detailed properties of the inner accretion disk of the prototypical
Seyfert galaxy NGC 4151, including the spin of the SMBH and the extent of
the coronal electron plasma?
2. What is the structure and geometry of SMBH inner accretion disk/corona
systems?
3. What are the geometry of the magnetic field, location and properties of gas
surrounding the inner jet that creates the Faraday rotation screen, and shape
of the jet of ten blazars on ∼ 1 pc (∼ 104 Schwarzschild radii) scales?
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4. What are the SMBH virial masses in blazars as estimated from single-epoch
dynamical methods, and what can these masses inform us about the jet envi-
ronment?
1.5 Dissertation Outline
The following is the outline of the dissertation:
• Introduction to AGN accretion disks and jets
• Techniques: X-ray spectroscopy; VLBI; and determination of black hole masses
from emission-line observations
• Study published in Keck et al. (2015) based on X-ray spectroscopy of the Seyfert
1.5 Galaxy NGC 4151
• Estimating SMBH masses in blazars with single-epoch DCT observations
• Probing pc-scales in the jet of 3C 273 and other blazars using multi-frequency
VLBA observations
• Results in the context of AGN physics
• Conclusions and future prospects
Chapter 2
Background
2.1 X-ray Imaging Spectroscopy
Imaging X-ray telescopes, including Suzaku and the Nuclear Spectroscopic Tele-
scope Array (NuSTAR), focus X-rays using Wolter-I type mirrors that reflect X-rays
at a grazing angle onto a detector. Because of this, imaging X-ray telescopes must
have a focal length on the order of ∼ 10 m. Such telescopes measure the energy of
individual photons and thus get imaging and spectral information simultaneously.
However, for the brightest Seyfert AGN, this can lead to a significant fraction of
occurrences of two or more X-ray photons being incident on a single pixel within a
single readout, which is erroneously measured as a single X-ray with energy equal
to the sum of the individual X-rays. This issue is called ‘pileup’ (Arnaud et al.,
2011). Accurate calibration of X-ray data is crucial for science-quality data. For
high count-rate sources, pileup can affect imaging X-ray telescopes, including Suzaku
(but not NuSTAR). In sections 2.1.1 and 2.1.2, I describe unique aspects of Suzaku
and NuSTAR, respectively.
2.1.1 Suzaku
Suzaku had four operational instruments for the observations presented in Chap-
ter 3: three X-ray imaging spectrometers (XISs) and one (non-imaging, collimated)
Hard X-ray Detector (HXD). Suzaku additionally had an X-ray spectrometer and a
fourth XIS that were no longer operational by the time of the observations presented
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in this dissertation. The XISs were X-ray sensitive CCD detectors with energy cov-
erage in the range E = 0.2 − 12 keV (Koyama et al., 2007). The HXD detector
was made up of two detectors: silicon PIN diodes sensitive in the E = 10 − 70 keV
range and GSO crystal scintillators with energy sensitivity in the E = 40− 600 keV
range (Takahashi et al., 2007). For non-imaging detectors such as the Suzaku PIN,
a model of the cosmic X-ray background must be subtracted from the data to derive
the source photon counts.
2.1.2 NuSTAR
NuSTAR is an array of two nearly-identical telescopes. Both telescopes have a
CdZNTe pixel detector (Harrison et al., 2013) named Focal Plane Module A and B
(FPMA and FPMB, respectively). The FPMs are sensitive in the E = 3 − 78 keV
range. Because of its focusing optics, NuSTAR is much more sensitive above
∼ 10 keV than previous hard X-ray telescopes. These detectors have a very fast
pixel readout time that limits the impact of pileup only to sources with flux
& 105 cts s−1 pix−1, which is many orders of magnitude brighter than any AGN.
NuSTAR introduced a novel design in which the optics and the focal plane move rel-
ative to one another. This movement is accounted for during data calibration using
information from a laser metrology system that precisely tracks the motion of the
focal plane bench relative to the optical bench (Harrison et al., 2013). NuSTAR data
are screened for events, including the elimination of data collected when the Earth
occults the source and when NuSTAR is in the South Atlantic Anomaly.
2.1.3 Model Fitting of Moderate Resolution X-ray Spectra
Analysis of moderate resolution X-ray spectroscopy is generally done using the
procedure of forward fitting. In forward fitting, a physically motivated spectral model
is convolved with a detector response function to produce a model spectrum (Arnaud
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et al., 2011). The model is then fit to the data. The X-ray analysis software XSPEC
uses the CURFIT Levenberg-Marquardt algorithm, which adjusts model parameter
values to minimize a goodness of fit function such as the χ2 statistic for high-count
rate data. It is important to be aware that the CURFIT Levenberg-Marquardt
algorithm in XSPEC finds minima in the χ2 fit of models to the data by starting at a
position in parameter space and following the gradient of the goodness-of-fit function
to a minimum of the function. Because of its dependence on the starting values
and the gradient search method, the Levenberg-Marquardt algorithm is limited to
finding relative minima, which are not necessarily global minima. This is especially
important to consider for complex models with many adjustable parameters.
2.2 Very Long Baseline Interferometry
Very long baseline interferometry (VLBI) involves measuring radio signals with
many antennas separated by large distances and then correlating these signals. The
vector from one antenna of a pair to the other, projected onto a plane perpendicular
to the line of sight to the source, is referred to as a ‘baseline’ and given in east-
west (u) and north-south (v) coordinates. The values of u and v of a given pair of
antennas trace out an ellipse as the Earth rotates. For an array composed of nant
antennas, there are nant(nant − 1)/2 pairs. Fourier imaging techniques and careful
timing calibration allow VLBI arrays to have the resolution of a telescope with a
diameter equal to the longest baseline in the array (e.g., Condon & Ransom 2016).
Data from all telescopes is combined to compile the u− v visibility data of a source,
which corresponds to components of a Fourier transform of the source structure. The
visibility data is in the form of the amplitude and phase of the interference patterns
for a given baseline at a given time. For a given baseline comprising two antennas,
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the complex visibility of an extended source in a given bandwidth is
V =
∫
Iν(sˆ) sinc (∆ντg) exp (i2piνcτg)dΩ (2.1)
where Iν(sˆ) is the source brightness distribution, ∆ν is the bandwidth, τg is the
geometric delay in the time it takes the signal to reach one antenna compared to the
other, and νc is the central frequency of the band (Condon & Ransom, 2016).
The time-averaged polarization properties of EM radiation are expressed in
terms of the Stokes parameters I, Q, U , and V . For a wave propagating in the +z
direction, they have the following form:
I = 〈E2x + E2y〉/R0 (2.2)
Q = 〈E2x − E2y〉/R0 (2.3)
U = 〈2ExEy cos δ〉/R0 (2.4)
V = 〈2ExEy sin δ〉/R0 (2.5)
where δ is the difference in phase of the electric field x and y components, Ex and Ey,
of the EM wave and R0 = 4pi/c is the radiation resistance of free space (Condon &
Ransom, 2016). The electric-vector position angle (EVPA) is EVPA= 1
2
tan−1(U/Q),
the polarized intensity is Ip =
√
Q2 + U2 + V 2, and the degree of polarization is p ≡
Ip/I. In terms of quantities measured by circularly polarized feeds such as those in
the Very Long Baseline Array (VLBA), Q = VR1L2 +VL1R2 and U = i(VR1L2−VL1R2),
where VR1L2 and VL1R2 are the cross-polarized signals from the two antennas (Condon
& Ransom, 2016). Here, the subscripts ‘R’ and ‘L’ refer to the right and left circularly
polarized signals, respectively.
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2.2.1 The Very Long Baseline Array
The VLBA is an array of ten identical 25 m radio telescopes spanning most
of North America, located in Brewster, Washington; Fort Davis, Texas; Hancock,
New Hampshire; Kitt Peak, Arizona; Los Alamos, New Mexico; Mauna Kea, Hawaii;
North Liberty, Iowa; Owens Valley, California; Pie Town, New Mexico; and St. Croix,
Virgin Islands. The longest baseline is between Mauna Kea and St. Croix and has a
length of 8611 km. The VLBA can observe in eight bands between 28 cm and 3 mm.
VLBA observations at . 1 cm can achieve a resolution on the order of . 0.1 mas,
which enables probes of blazar jets on scales as small as ∼ 0.1 pc.
2.2.2 The Karl G. Jansky Very Large Array
The Karl G. Jansky Very Large Array (VLA) is an array of 27 identical 25 m
radio antennas located in New Mexico (Perley et al., 2011). It has eight receivers in
the 1− 50 GHz range: L (1− 2 GHz), S (2− 4 GHz), C (4− 8 GHz), X (8− 12 GHz),
Ku (12−18 GHz), K (18−26.5 GHz), Ka (26.5−40 GHz), and Q (40−50 GHz). The
antennas have four configurations with longest baselines (Db) ranging from 1−36 km:
A (36 km), B (11 km), C (3.4 km), D (1 km). The typical highest resolution the array
can achieve is thus ∼ 40 mas.
2.2.3 VLBA Observations of Blazars
Combining many visibilities (∼ 10000) taken over ∼ 4 − 10 minute intervals
over 10− 14 hours allows for a high resolution image of a blazar to be developed.
Fourier imaging with the VLBA works as follows: each baseline in the VLBA
measures amplitude and phase in the Fourier-uv plane at a given time. As the Earth
rotates, the different baselines measure different visibilities in the Fourier-uv plane.
An example of the visibilities in the u− v plane for a VLBA observation are shown
in Fig. 2.1. These visibilities represent the Fourier component of the image in the
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Fourier plane. Taking an inverse Fourier-transform of the Fourier plane data in
difmap returns an image of the source.
VLBA observations of synchrotron radiation at radio frequencies probe blazar
jets at distances as close as ∼ 0.1 pc from the SMBH. If the bright region at the
upstream end of the jet in VLBI images, referred to as the “core,” corresponds to a
surface where the optical depth from synchrotron self-absorption is near unity, the
shape of the jet can be probed on pc scales. Hada et al. (2011a) observed the jet of
the radio galaxy M87 at multiple frequencies between 2 and 43 GHz with the VLBA,
finding the core at 43 GHz to lie 14 − 23 Schwarzschild radii from the SMBH by
observing the shift in the location of the core versus frequency, or the “core shift.”
The “core shift” method is a powerful method for characterizing quasar jets, and it
has been applied to a number of sources to determine values of physical parameters
of the jets (Pushkarev et al., 2012).
2.2.4 Reduction and Analysis of High Frequency (& 20 GHz) VLBI Data
Radio signals measured by VLBI antennas are correlated digitally. VLBA data
are correlated at the Array Operations Center of the National Radio Astronomy
Observatory (NRAO) in Socorro, NM. VLBI data is typically calibrated using the
Astronomical Image Processing System (AIPS) software package (Greisen, 2003) or
Common Astronomy Software Applications package (CASA) (McMullin et al., 2007).
Water in the atmosphere significantly corrupts the phases of high frequency
(& 20 GHz) radio waves. The image making process for high frequency VLBI data
essentially requires three iterations of the same process, where the first iteration is
the most time consuming. The corrupted data is run through difmap to make a
preliminary image; see below for a description of the need for this step.
What follows is a description of the general reduction of VLBA data as done for
this thesis. The data are first loaded into AIPS (using the FITLD task). Redundant
21
Fig. 2.1 Example plot showing the u − v coverage of the VLBA for source PKS
0836-710 observed at 43 GHz on 2013 Feb 26.
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calibration table values are then deleted (VLBAMCAL). The data are inspected, includ-
ing the system temperature (SNPLOT) and a summary of the observation (VLBASUMM).
Typical values for the total intensity are entered into the source table (SETJY). A
reference antenna is then identified as one having low system temperatures and good
quality data. A calibration source and a suitable scan (i.e., a scan with high eleva-
tions for all antennas and good signal-to-noise) are identified for instrumental phase
calibration and cross-polarization delay calibration. The first step is to remove bad
data, starting with high system temperatures (using SNPLT) and then data with ele-
vation below 10 degrees (UVFLG). Amplitude corrections are determined (ACCOR and
CLCAL). Phases are corrected for parallactic angle (VLBAPANG). Instrumental phase
calibration is then carried out using VLBAPCOR (or FRING if VLBAPCOR fails).
Phase calibration is then carried out for each source, and, in general, either
the source or a nearby source on the sky must be used for phase calibration so
that the calibrating source can be assumed to have the same phase delay due to
atmospheric effects as the source. For the VLBA data in this thesis, sources are
used for their own phase self-calibration. For observations with multiple IFs, the
flux density as a function of frequency across each IF is determined and applied to
the data (“bandpass” correction using BPASS), after which amplitude calibrations,
including antenna sensitivities and sky opacity corrections, are applied (APCAL). Next,
the right minus left circular polarization delay difference is removed (VLBACPOL).
Well-calibrated data will have amplitudes and phases with small dispersions across
IFs. The data thus calibrated can then be written into files for individual sources
for imaging analysis using SPLIT. However, there remain phase and amplitude errors
that vary over time at this stage.
The first step in the imaging process is to produce preliminary total intensity
images using the clean and selfcal routines in the Difmap imaging software (Shep-
23
herd, 1997). Bad visibility data (e.g., resulting from wind blowing the antenna off the
source) is flagged to not be used for developing the image. A preliminary pixelated
image is constructed using the clean task using only positive flux components fol-
lowed by self-calibration of the phases and, after no further improvement occurred,
amplitudes. The solution interval (which is the equivalent to smoothing time) is
gradually decreased for the amplitude self-calibration from an initial value of 120
minutes to 0 once there is no apparent residual flux from the jet for a given solution
interval. Good clean models typically have σ ≈ 1.
For the 2nd iteration, the prelim difmap map is used as the starting model
for AIPS (which must be used because AIPS adjusts the R and L hand phases
separately, while difmap cannot (at least for phases)) when making this correction,
to make sure that CALIB does not erroneously correct noisy phases such that the
image tends toward a point source. This procedure has been found to be more
reliable for reproducing the source image than a starting point source model with
AIPS (which is the default) because noisy phases can be calibrated in such a way to
match each other so that you can get data that looks good but is actually irretrievably
corrupted.
The 2nd model from AIPS is read back into difmap to make a final total intensity
image. The procedure is nearly identical to the procedure for the preliminary image,
except that phases are now better calibrated. Additionally, once a final model of the
source has been developed, a clean step is applied that fits positive and negative
components in order to reduce the ambient noise. The final image typically has a σ
value ∼ 1 and a noise level 2× lower than the original image.
To produce calibrated polarized intensity and EVPA data, the instrumental
polarization (D-terms) are derived via AIPS tasks CCEDT and LPCAL and written
to the data antenna table information (TBOUT and TBIN). Sources with compact
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polarized emission typically can be used for deriving D-terms, and D-terms from
multiple sources may be averaged together in cases where the D-terms do not vary
(e.g., VLBI observations of multiple sources over the course of a day). Stokes Q and U
images are produced in Difmap from the self-calibrated visibility data. Calibration of
the EVPA is accomplished through comparison with EVPA-calibrated observations;
for the BU blazar group, VLA observations at 22 and 43 GHz and observations at
86 GHz with the Institut de Radioastronomie Millime´trique 30-meter antenna under
the POLAMI program 1 (Agudo et al., 2018) are typically used. For each object, the
EVPA integrated over the entire VLBA image was compared with that measured in
the unresolved core of the VLA image to determine a constant offset for each VLBA
observation at 22 and 43 GHz. A similar comparison between the nearest IRAM
measurement of the EVPA and the 86 GHz VLBA integrated EVPA was performed
to determine the absolute EVPA offset at 86 GHz.
2.3 Supermassive Black Hole Masses from Reverberation
Mapping
The virial mass of an object is simply M = R〈v2〉/G. For broad-line region
clouds orbiting SMBHs, the virial mass can be expressed as MBH = fR∆V
2/G,
where f is a scale factor accounting for the geometry and structure of the system,
R is the radius of the broad-emission line region (which is assumed to be orbiting
the SMBH), and ∆V is the emission line width in the system (e.g., Vestergaard &
Peterson 2006). There is a relationship between the size of the BLR and the AGN
continuum luminosity observed and calibrated from reverberation mapping studies
of many AGN (Kaspi et al., 2005b) that enables estimating black hole masses from a
single spectrum. For the continuum luminosity at 5100A˚, Kaspi et al. (2005b) found
1see http://polami.iaa.es/
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the following relationship:
RBLR = (2.23± 0.21)[λLλ(5100A˚)
1044 erg s−1
]0.69±0.05. (2.6)
2.3.1 The Discovery Channel Telescope and the Perkins Telescope
The Discovery Channel Telescope (DCT) is a 4.3m telescope located in Happy
Jack, Arizona. The DeVeny spectrograph has a spectral resolution in the range
R ∼ 500− 4000 in the 320− 1000 nm range. It has 300 grating lines per mm and a
grating tilt of 22◦.35. The Large Monolithic Imager has a 36 megapixel CCD with
a 12.5’ x 12.5’ field of view. The Perkins Telescope is a 1.8m telescope located at
Anderson Mesa in Arizona. The Perkins Re-Imaging System (PRISM) instrument
has a 13.65′ × 13.65′ FOV, is sensitive to the a 350− 950 nm wavelength range, and
has Johnson-Cousins V, B, R, and I filters.
2.3.2 The Swift Observatory
The Neil Gehrels Swift Observatory (Gehrels et al., 2004) was launched in 2004.
It has three main instruments: the Burst-Alert Telescope (BAT), the X-ray Telescope
(XRT), and the Ultra-Violet/Optical Telescope (UVOT). The UVOT (Roming et al.,
2005) observes in the 170 − 600 nm band. It is a Modified Ritchey-Chre´tien design
with a 0.′′9 FWHM at 350 nm. It has 3 optical filters (U,B, and V) and 3 UV
filters: UVW1 (which has a central wavelength λc = 544 nm and FWHM= 75.0 nm,
respectively), UVM2 (λc = 217 nm; FWHM=51.0 nm), and UVW2 (λc = 188 nm;
FWHM=76.0).
Chapter 3
NuSTAR and Suzaku X-ray Spectroscopy
of NGC 4151: Evidence for Reflection
from the Inner Accretion Disk
The Seyfert 1.5 galaxy NGC 4151 (z=0.00332, de Vaucouleurs et al. 1991),
which is sometimes considered to be the archetypical Seyfert galaxy, is a source in
which many AGN phenomena were first characterized (for a review, see Ulrich 2000).
The source has bolometric luminosity Lbol ∼ 5 × 1043 erg s−1 (Woo & Urry, 2002),
SMBH mass M = 4.57+0.57−0.47×107 M from optical and UV reverberation (Bentz et al.,
2006), and corresponding Eddington ratio Lbol/LEdd ∼ 0.01. Despite being one of
the brightest and most studied AGN, few constraints on the coronal geometry and
the black hole spin have been found for the source.
NGC 4151 has a harder X-ray continuum relative to the average Seyfert AGN.
If approximated with a power-law, it has a photon index historically measured to
be in the range Γ ∼ 1.3 − 1.9 (e.g., Ives et al. 1976; Perola et al. 1986; Yaqoob
& Warwick 1991; Zdziarski et al. 1996; Piro et al. 1999; Beckmann et al. 2005).
NGC 4151 was also the first AGN in which a high-energy cutoff was clearly detected
(Jourdain et al. 1992, SIGMA; Maisack et al. 1993, CGRO OSSE). From an anal-
ysis of all INTEGRAL data of the source and data from other X-ray observatories
during the period 2003 January to 2009 June, Lubin´ski et al. (2010) found that the
coronal emission had an approximately constant X-ray spectral index and Compton
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y parameter and inferred that the corona had an approximately constant geometry.
The X-ray continuum conceivably could arise in the base of a jet, as NGC 4151 has
displayed a non-relativistic jet as observed using radio interferometry (Wilson & Ul-
vestad 1982; Mundell et al. 2003; Ulvestad et al. 2005) and characterized with optical
(e.g., Storchi-Bergmann et al. 2009) and X-ray observations (e.g., Wang et al. 2011a,
Chandra ACIS).
NGC 4151 has shown inconsistent evidence for reflection from the inner ac-
cretion disk from X-ray spectroscopy. Spectral analyses of observations taken with
instruments with a E ∼ 0.1 − 10 keV bandpass and CCD resolution have indicated
the presence of relativistic reflection in NGC 4151 (e.g., Yaqoob et al. 1995, ASCA;
Nandra et al. 2007, XMM-Newton). However, other analyses find no such evidence
for it (e.g., Schurch et al. 2003, XMM-Newton; Patrick et al. 2012, Suzaku+Swift).
The lack of simultaneous broadband (E ∼ 1−100 keV), high-sensitivity X-ray obser-
vations of NGC 4151, combined with the complex absorption (total NH ∼ 1023 cm−2 )
and soft emission (e.g., Armentrout et al. 2007, Wang et al. 2011b) in the source,
have also made the unambiguous detection of relativistic reflection challenging.
Recent X-ray reverberation studies of eight archival XMM-Newton observations
have shown that NGC 4151 has a compact corona surrounding a near-maximally
rotating black hole. The discovery of Fe Kα reverberation in NGC 4151 by Zoghbi
et al. (2012) indicates the presence of broad Fe Kα line emission that responds to
coronal emission originating from a height above the accretion disk on the order of a
few rg. A more recent Fe Kα reverberation analysis by Cackett et al. (2014) shows
evidence supporting a maximally spinning (a = 0.998) black hole compared to a
low spin black hole (a = 0.1) and an illuminating source characterized by the lamp
post geometry (in which the corona is modeled as a point source on the spin axis;
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Martocchia et al. 2002, Miniutti et al. 2003) with height h = 7.0+2.9−2.6 rg (1σ errors
are given).
On larger scales, NGC 4151 exhibits partial-covering, neutral material (e.g.,
Holt et al. 1980) and ionized outflows (e.g., Wang et al. 2011b and references therein)
viewed in absorption. The source has displayed absorption column density variability
on time-scales as short as ∆t ∼ 2 days, which indicates that the absorbing material
is located in the broad-line region (Puccetti et al. 2007, de Rosa et al. 2007). The ab-
sorption has also been characterized as having an ionized1 (ξ ∼ 500 erg cm s−1 ), out-
flowing (vout ∼ 500 km s−1 ) component suggestive of an accretion disk wind (Chandra
HETG; Kraemer et al. 2005), as well as a highly ionized (ξ ∼ 104 − 105 erg cm s−1 )
and blue-shifted (vout ∼ 0.1c) ‘ultra-fast outflow’ (UFO) component that might be
associated with an accretion disk wind or a weak jet (Tombesi et al., 2011).
In this Chapter, I present timing and spectral analyses of simultaneous 150 ks
NuSTAR and Suzaku X-ray observations of NGC 4151 in a moderately bright state
focused on deconvolving the continuum, reflection, and absorption features.
3.1 Observations and Data Reduction
Suzaku and NuSTAR observed NGC 4151 from November 11-14, 2012. Suzaku
observations were taken with NGC 4151 placed at the nominal X-ray Imaging
Spectrometer (XIS) pointing position. The Suzaku observation has observation ID
707024010, and the NuSTAR observation is composed of three pointings with ob-
servation IDs 60001111002, 60001111003, and 60001111005. Suzaku and NuSTAR
observation information is given in Table 3.1. Source and background spectra provide
a source-dominated view of the 2.5− 79 keV emission from NGC 4151, as shown in
1Ionization is parameterized with the ionization parameter, which is defined as the ratio of the
ionizing X-ray flux to the gas density: ξ ≡ 4piFxn .
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Table 3.1. Suzaku and NuSTAR observation information
Instrument Banda Time Count Rate Counts
( keV) ( ks) ( cts s−1)
Suzaku XIS-0+3 2.5− 9 150 6.180± 0.007 929099
Suzaku XIS-1 2.5− 7.5 150 2.444± 0.004 367408
Suzaku PIN 14− 60 141 0.985± 0.003 138881
NuSTAR FPMAb 5− 79 141 5.154± 0.006 723597
NuSTAR FPMBb 5− 79 141 4.915± 0.006 690323
Note. — Counts and count rates are background subtracted.
aEnergy bands used in the spectral analysis.
bNuSTAR data corresponds to the co-added NuSTAR obser-
vations.
Figure 3.1. I reprocessed all data using HEAsoft version 6.16, which includes XSPEC
v12.8.2 (Arnaud, 1996) and xronos v5.22.
3.1.1 Suzaku
I produced Suzaku data from the XIS (Koyama et al., 2007) (XIS 0, XIS 1,
and XIS 3) using the aepipeline script following the Suzaku ABC Guide2 with
version 22 of the Suzaku software and the XIS CALDB release of 2015 January 5,
which includes updated XIS gain files. I extracted Suzaku XIS data products (i.e.
spectra, response files, and light curves) using xselect and xisresp from circular,
170′′ radius regions centered on the source. For each observation, background spectra
were extracted from as much of the chip as possible. Source and background regions
excluded all contaminating sources in the field of view (primarily the BL Lac object
2 http://heasarc.gsfc.nasa.gov/docs/suzaku/analysis/abc/
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1E1207.9+3945 and the LINER NGC 4156) and calibration sources in the corners of
the chip.
I rebinned Suzaku XIS spectra and response files from 4096 to 2048 channels to
expedite spectral fitting without compromising the energy resolution of the data. I
then co-added data from the XIS front-illuminated (XIS-FI) instruments, XIS 0 and
XIS 3, using the addascaspec script to maximize signal-to-noise (S/N). I rebinned
XIS source spectra into channels with a minimum of 25 counts per bin using grppha
to allow for robust χ2 fitting. In the spectral analysis, I apply a cross-normalization
constant to all detectors relative to the co-added XIS-FI data. XIS-1 fits with a
cross-normalization of 0.96 ± 0.01, which is lower than the nominal XIS-1/XIS-FI
cross-normalization3, 1.019± 0.010. However, my value is reasonable given that the
cross-normalization depends on the exact spectral shape of the source and exactly
where the source is on the chip (K. Mukai, private communication).
Because Suzaku and NuSTAR observed NGC 4151 in a relatively bright state,
I assessed the influence of pileup in the XIS data (note that NuSTAR does not suffer
from pileup) using the pileest script. I found that, for XIS 0, 1, and 3, the central
∼ 30′′ has a pileup fraction 3% . fpl . 10% assuming a grade migration parameter
of 0.5. I found that this minor pileup fraction does not influence my conclusions in
the timing and spectral analyses on the spectral properties of NGC 4151 as described
in section 3.3.1.
I reprocessed the Suzaku Hard X-ray Detector (HXD) PIN instrument (Taka-
hashi et al. 2007) data using the aepipeline script with the 2011 September 15 HXD
calibration files. I reduced and extracted it following the Suzaku ABC Guide19. I
estimated the PIN non-X-ray background using the version 2.2 ‘tuned’ non-X-ray
background (NXB) event file for November 2012, as well as response and flat-field
3 http://heasarc.gsfc.nasa.gov/docs/suzaku/analysis/watchout.html
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Fig. 3.1 Source and background spectra for the XIS-FI (shown in black), XIS-1 (red),
PIN (green), FPMA (blue), and FPMB (light blue) instruments. Source count rates
are marked with error bars, and background count rates are marked with error bars
in circles. For all instruments, source count rates exceed background count rates
except for the PIN instrument above E ∼ 40 keV.
files for epoch 11 data. I estimated the PIN cosmic X-ray background with XSPEC
simulations using the model of Boldt (1987). I rebinned PIN data to a S/N of 5 us-
ing ISIS (Houck & Denicola, 2000) to facilitate χ2 fitting. Three percent systematic
errors were added to PIN data, as recommended by the Suzaku team to account for
uncertainties present in the NXB data. I allowed the cross-normalization factor of
PIN relative to the XIS-FI instruments to vary in the spectral analysis to improve
upon the agreement between the PIN and FPMA/FPMB spectra found with the
nominal value3, 1.164± 0.014. The best fit is 1.26± 0.01.
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3.1.2 NuSTAR
I reprocessed NuSTAR focal plane module A and B (FPMA and FPMB) data
using the NuSTAR Data Analysis Software (NuSTARDAS) version 1.4.1, with the NuS-
TAR CALDB from 2014 July 1. NuSTARDAS performs standard data calibration and
data screening, including the elimination of data collected when the Earth occulted
NGC 4151 and when NuSTAR was in the South Atlantic Anomaly. For each of the
NuSTAR observations, I extracted source data products from a 70′′ radius circular
region centered on NGC 4151, and I extracted background spectra from 70′′ radius
circular regions on the same detector, chosen to avoid contamination and detector
edges. Background regions were separated by at least 4′ from NGC 4151 and & 7′
from 1E1207.9+3945 and NGC 4156, which exclude & 98% and & 99% of the en-
closed counts for a point source, respectively (Harrison et al., 2013). Spectra from the
three NuSTAR observations were co-added and analyzed separately for FPMA and
FPMB. I rebinned FPMA and FPMB spectra into channels with a minimum S/N of
5 to allow for χ2 fitting. I allow the FPMA and FPMB cross-normalization constants
relative to XIS-FI to fit freely in the spectral analysis, and they fit to 1.04±0.01 and
1.08± 0.01, respectively.
3.2 Timing Analysis
The Suzaku XIS and NuSTAR light curves and hardness ratios have small but
significant variability, as shown in Figure 3.2. Notably, a drop in flux coincident
with an increase in spectral hardness is seen during a ∆t ∼ 15 ks period labelled
interval 3. During interval 3, the 3 − 5 keV flux drops by a factor of ∼ 1.4 and the
10−30 keV flux decreases by a factor of ∼ 1.2. At the same time, the hardness ratio
(HR) between the 6−10 keV flux and the 3−5 keV flux increases by ∼ 5σ. Between
intervals 4 and 6 (∆t ∼ 45 ks), the 3 − 5 keV flux rises by a factor of ∼ 1.6, the
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10− 30 keV flux increases by a factor of ∼ 1.3, and the F (6− 10 keV)/F (3− 5 keV)
HR decreases by ∼ 4σ. From the beginning of interval 6 to the end of interval 7
(∆t ∼ 40 ks), the 3 − 5 keV flux drops by a factor of ∼ 1.4, the 30 − 79 keV flux
decreases by a factor of ∼ 1.3, and the F (6 − 10 keV)/F (3 − 5 keV) HR remains
approximately constant.
The root-mean-square fractional variability (RMS Fvar) is shown in Figure 3.3.
The overall source variability drops dramatically below E ∼ 3 keV, where circum-
nuclear and scattered emission dominate the absorbed emission from the AGN (e.g.,
Wang et al. 2011b). There is also an overall drop in variability with increasing energy
above E ∼ 3 keV, which is typical of Seyfert AGN, where the more variable model
components tend to dominate at softer energies. The sharp, relatively narrow dip at
6.4 keV is an indication that the neutral, narrow component of the Fe Kα line is not
varying much relative to the surrounding continuum during the observation. This
is expected of the neutral, narrow reflection component because it likely originates
relatively far from the SMBH.
3.3 Spectral Analysis
I perform time-averaged and time-resolved analyses to characterize the broad-
band X-ray spectral features and variability of NGC 4151. I first undertake a time-
averaged spectral analysis (i.e., jointly fitting the full XIS-FI, XIS-1, PIN, FPMA,
and FPMB spectra) to understand the components present in the source spectrum
using the high signal-to-noise (S/N) of the full data. I then carry out a time-resolved
analysis to characterize spectral variability that is averaged out in the full obser-
vations. These may include variations in the coronal emission (which can vary on
hour-long time scales in AGN; e.g., Markoff et al. 2005), the inner accretion disk
reflection emission (which can vary on the order of hours in NGC 4151; e.g., Zoghbi
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Fig. 3.2 Light curves and hardness ratios with 2048 s bins (except for panels (e)
and (h), which are displayed with 4096 s bins to better show the variability of the
30−79 keV flux). Note the reduction in the broad-band flux coincident with a general
increase in spectral hardness seen during a ∆t ∼ 15 ks period labelled interval 3.
Panels (a) and (b) show the Suzaku XIS-FI 3 − 5 keV and 6 − 10 keV light curves
as labelled. Panels (c), (d), and (e) show NuSTAR light curves in the 4 − 7 keV,
10− 30 keV, and 30− 79 keV bands, respectively. Panels (f), (g), and (h) show the
hardness ratios F (6 − 10 keV)/F (3 − 5 keV), F (10 − 30 keV)/F (4 − 7 keV), and
F (30 − 79 keV)/F (10 − 30 keV), respectively. Vertical, blue dashed lines indicate
time intervals 1-7 analyzed in the time-resolved analysis, as numbered.
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Fig. 3.3 The RMS fractional variability of the data calculated with 4000 s bins. XIS-
FI is in black, FPMA is red, and FMPB is green (XIS-1 is not shown for clarity). Data
are included in the energy range 0.7− 10 keV for XIS-FI and 3− 79 keV for FPMA
and FPMB. The dashed blue line indicates the rest-frame energy of the neutral Fe
Kα emission line (6.4 keV).
et al. 2012) and absorption features (which can vary on the order of days in NGC
4151; e.g., Puccetti et al. 2007).
To carry out the spectral analyses, I use XSPEC with a standard cosmology of
H0 = 70 km s
−1 Mpc−1, ΩM = 0.27, and ΩΛ = 0.73 (Komatsu et al., 2011). I use
X-ray cross-section values from Verner et al. (1996) and solar abundance values from
Wilms et al. (2000). I include data in the energy ranges indicated in Table 3.1.
For the spectral analysis, I apply an inner disk reflection model and an
absorption-dominated model. In brief, the inner disk reflection model includes a
partial-covering, neutral absorption component (which I refer to as PC1), a distant
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reflection component (DRC), a cut-off power-law component (PLC), and an inner
disk reflection component (IDR). The absorption-dominated model is identical to
the inner disk reflection model, except that the IDR component is replaced with
another partial-covering absorber (PC2). For the time-averaged analysis, I link all
parameters between data sets and fix redshifts of all model components to the sys-
temic redshift. I model Milky Way absorption with Tbabs (Wilms et al., 2000), and
I fix the Milky Way absorption column density to the weighted-average value for
NGC 4151 from the LAB survey (Kalberla et al., 2005), NH = 2.3 × 1020 cm−2 . I
determine 90% confidence intervals for one interesting parameter for all parameter
values presented in the time-averaged and time-resolved analyses using the XSPEC
error algorithm unless noted otherwise.
3.3.1 Time-Averaged Analysis
To develop the time-averaged model, I first characterize the continuum absorp-
tion and emission features in the 2.5−4.0 keV, 7.5−10 keV, and 50−79 keV bands.
I model the coronal continuum emission with a cut-off power-law with photon index
Γ and cut-off fixed at Ecut = 1000 keV. Data/model ratios in Figure 3.4 illustrate the
presence of a strong absorption cut-off at energy E ∼ 2 − 3 keV indicative of a rel-
atively high line-of-sight column density (NH ∼ 1023 cm−2 ), as well as a prominent,
narrow Fe Kα emission line at 6.4 keV and Compton hump indicative of reflection.
I apply a partial-covering, neutral absorption component (partcov*zTbabs;
Wilms et al. 2000). This absorber greatly improves the fit (see Table 3.2) and satis-
factorily accounts for the low-energy continuum ratios as shown in Figure 3.4. I then
model the prominent, narrow Fe Kα emission line and Compton hump as arising
by reflection of cut-off power-law emission from Compton-thick, plane-parallel, and
relatively neutral (i.e., ξ = 1 erg cm s−1 ) material with the xillver reflection model
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Fig. 3.4 Top Left: Data/model ratios of a power-law (Γ = 1.75) absorbed only by gas
in the Milky Way that demonstrate the strong absorption in the source. Top Right :
Data/model ratios after adding a partial covering, neutral absorber and refitting that
show the spectral features of relatively neutral reflection. Middle Left : Best-fit ratios
after additionally including a neutral reflection component with free Fe abundance
and refitting with Γ = 1.75 fixed. Middle Right : Same as Middle Left, focused on
the ratios in the 4 − 10 keV band. Notice the probable broad Fe Kα line as well as
the blended Fe XXV and Fe XXVI absorption lines. Bottom Left : Best-fit ratios after
additionally including two warm absorber components and refitting with Γ = 1.75
fixed. Bottom Right : Same as Bottom Left, focused on the ratios in the 4 − 10 keV
band. For plotting purposes only, spectral bins have either a significance of 80σ or
a maximum of 80 spectral channels for each panel. XIS-FI data are black, XIS-1 is
red, PIN is light green, FPMA is dark blue, and FPMB is light blue.
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Table 3.2. χ2 and ν after addition of each time-averaged model component
Additional component χ2 ν χ2/ν
cut-off power-law 264344 4120 64.2
partial covering absorber 15626 4118 3.80
distant reflectora 6264 4112 1.52
warm absorber 1 5581 4110 1.36
warm absorber 2 5513 4108 1.34
inner disk reflector 4453 4101 1.09
Note. — Each added model component provides a
significant improvement to the fit.
aValues includes a change ∆χ2/∆ν = −39/ − 4
from allowing the instrument cross-normalizations to
fit freely.
(Garc´ıa et al., 2013a). I specifically employ xillver-Ec34, which allows for a variable
cut-off energy in the range E = 20 − 1000 keV. I fix the incident cut-off power-law
photon index and cut-off energy of this component self-consistently to those of the
cut-off power-law component, and I additionally fix its inclination to i = 60 deg. As
shown in the bottom panels of Figure 3.4, the added xillver component significantly
reduces the ratios towards unity. The remaining residuals indicate the presence of
blended Fe XXV and Fe XXVI Kα (E = 6.67 keV and E = 6.97 keV, respectively)
and Kβ (E = 7.88 keV and E = 8.25 keV, respectively) absorption lines, as well as
broad emission in the Fe K band and convex curvature above E ∼ 10 keV.
To account for the unmodeled absorption lines in the Fe band, I additionally
apply two separate XSTAR absorption table models, which I refer to as warm absorbers
one (WA1) and two (WA2). WA1 is parameterized by its column density in the range
NH = 10
22− 1024 cm−2 and ionization parameter ξ in the range log(ξ/ erg cm s−1 ) =
4available at http://hea-www.cfa.harvard.edu/~javier/xillver/
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2.5−4.5. The absorber has turbulent velocity vt = 3000 km s−1 , which is appropriate
for a highly ionized absorber (Tombesi et al., 2011). I fix the Fe abundance to one
(i.e., the solar abundance value). WA2 is parameterized by its column density in the
range NH = 10
20 − 1024 cm−2 and ξ in the range log(ξ/ erg cm s−1 ) = 0.0 − 4.0. It
has a turbulent velocity vt = 200 km s
−1 . The Fe abundance is also set to the solar
value. I limit ξ to be in the range log(ξ/ erg cm s−1 ) = 2.5− 4.0. For both WA1 and
WA2, ξ is sampled with resolution ∆log(ξ/ erg cm s−1 ) = 0.2, which is important
for accurately modeling the absorption opacities and, consequently, determining the
black hole spin (Reynolds et al., 2012). Having accounted for these spectral features,
I develop separate inner disk reflection and absorption-dominated models to account
for the remaining broad residuals.
Inner disk reflection model
I first characterize the broad residuals in the Fe K-band phenomenologically.
I begin by applying a broad Gaussian. The line fits with equivalent width EW =
66+16−15 eV, σ = 0.39±0.04 keV, and line energy E = 6.20±0.05 keV. The fit improves
by ∆χ2/∆ν = −341/ − 3. The measured line energy and width are suggestive of
broadened Fe Kα emission. To test for an origin from the inner accretion disk, I
replace the Gaussian with a model of line emission from the inner accretion disk
(relline; Dauser et al. 2010) with an emissivity profile  ∝ r−q with q = 3 fixed.
The relline component fits with line energy E = 6.52±0.01 keV, EW = 111+16−22 eV,
inclination i = 6 ± 1 deg, and spin a > 0.99. The addition of the broad Fe line is
statistically motivated by a reduction in χ2 by ∆χ2/∆ν = −354/− 4.
To account for emission from the inner accretion disk self-consistently (i.e., by
including the full reflection spectrum, including the Compton hump, Fe Kα and Kβ
emission lines, and the Fe K absorption edge), I include an inner disk reflection
component (IDR) composed of the xillver model convolved with the relconv rel-
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ativistic convolution model (Dauser et al., 2010). Specifically, I use an optimized
version relconvf (Jeremy Sanders, private communication). relconv allows the
black hole spin, a, to fit freely in the range −0.998 ≤ a ≤ 0.998. I further allow the
inner disk reflection component to have a broken power-law emissivity profile that
transitions from inner emissivity index q1 to outer emissivity index q2 at a radius
rbr. relconv additionally assumes an inner accretion disk that is geometrically thin,
optically thick, and aligned perpendicular to the spin axis.
I assume that the inner disk radius (rin) is fixed at the ISCO radius and that
the outer disk radius is fixed at rout = 400 rg. This value should be unconstrained
assuming q2 & 3, as expected for rapidly spinning black holes (e.g., Wilkins & Fabian
2011). I assume an isotropic emission distribution as discussed in Svoboda et al.
(2009). I further assume that the AGN is chemically homogeneous as discussed in,
e.g., Reynolds et al. (2012) and Walton et al. (2013), so I fix the Fe abundances of
the distant reflector and IDR together. I additionally limit the Fe abundance to be
in the range 0.5 < AFe < 5.0 in order to keep the Fe abundance within the range
measured for relatively neutral gas in the source (Yaqoob et al., 1993; Schurch et al.,
2003; Nandra et al., 2007). I am also motivated to do this to limit the influence of
the degeneracy between the black hole spin and the Fe abundance (Reynolds et al.,
2012). As shown in Table 3.2, the inclusion of the inner disk reflection component
is motivated by a reduction in χ2/ν by ∆χ2/∆ν = −1060/ − 7. In summary, my
model has the functional form (Tbabs)*((partcov*zTbabs)*WA1*WA2*(xillver
+ highecut*zpowerlw + relconv*xillver)). Best-fit parameter values are shown
in Table 3.3, and the best-fit model and data/model ratios are shown in Figure 3.5.
Applying an inner disk reflection model, I find strong evidence for relativistic
reflection and a preliminary SMBH spin constraint a = 0.98 ± 0.01 as shown in
Figure 3.6. If I calculate the reflection fraction, R, as the ratio of the inner disk
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Table 3.3. Time-averaged spectral analysis best-fit values for the inner disk
reflection model
Component Parameter (Units) Values
partial covering NH ( cm
−2 ) (15.4± 0.6)× 1022
(partcov*zTbabs) fcov 0.92± 0.01
warm absorber 1 NH ( cm
−2 ) 2.8+0.5−0.3 × 1022
(XSTAR grid) log(ξ/ erg cm s−1 ) 2.5+0.1−0.0p
warm absorber 2 NH ( cm
−2 ) 2.4+0.5−0.6 × 1022
(XSTAR grid) log(ξ/ erg cm s−1 ) 3.3± 0.1
distant reflector AFe 5.0
+0.0p
−0.1
(xillver) KDRC ( ph cm
−2 s−1 ) (1.7± 0.1)× 10−4
cut-off power-law Γ 1.75+0.01−0.02
Ecut( keV) 1000(f)
KPLC ( ph cm
−2 s−1 ) 3.7+0.4−0.3 × 10−2
inner disk reflection a 0.98± 0.01
(relconvf*xillver) q1 10.0
+0.0p
−0.4
q2 2.9± 0.1
rbr ( rg) 3.3± 0.1
rin rISCO (f)
rout ( rg) 400 (f)
log(ξ/ erg cm s−1 ) 3.07± 0.02
i (deg) 18+2−0p
KIDR ( ph cm
−2 s−1 ) (1.3± 0.1)× 10−6
cross-normalizationa XIS-1 0.96± 0.01
PIN 1.26± 0.01
FPMA 1.04± 0.01
FPMB 1.08± 0.01
flux, absorbedb F2−10 ( erg cm−2 s−1 ) 1.50×10−10
fit χ2/ν 4453/4101(1.09)
Note. — Statistical errors are quoted to 90% confidence for one
interesting parameter. The redshifts of all components of the source
are fixed to the systemic value, z = 0.00332. The Fe abundances of
the IDR and distant reflector are linked together in the fitting. The
letter ‘p’ is included in confidence limits that have pegged at a limiting
value allowed in the model. Parameters fixed to a value are proceeded
with ‘(f).’
aCross-normalizations are relative to XIS-FI.
bThe model calculated 2− 10 keV flux is quoted for XIS-FI.
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Fig. 3.5 Top Panel: Model plotted in Ef(E). The components are, from top to
bottom, the total model (black), the cut-off power-law (dark blue), the inner disk
reflection component (red), and the distant reflector component (green). Bottom
Panel: The data/model ratios for XIS-FI (black), XIS-1 (red), PIN (green), FPMA
(dark blue), and FPMB (light blue). The green line indicates a data/model ratio of
unity. For plotting purposes only, spectral bins have either a significance of 80σ or a
maximum of 80 spectral channels.
reflector flux to the power-law component flux in the 20 − 40 keV band, I find that
R = 1.3 ± 0.2. This reflection fraction is relatively low given the near-maximal
spin and relatively steep inner emissivity index, q1 = 10.0
+0.0p
−0.4 , with respect to the
maximum expected reflection fraction in the lamp post geometry (Dauser et al.,
2014). I discuss this further in §3.4.
I find a partial covering fraction that is consistent with a scattered fraction.
Parameters largely do not show degeneracies, as illustrated with confidence intervals
in Figure 3.7. I do find a degeneracy between the inner disk component spin and
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Fig. 3.6 ∆χ2 versus the dimensionless spin parameter, which illustrates my statistical
spin constraint. The inset shows the range a > 0.97. 68%, 90%, and 99% confidence
levels for one interesting parameter are indicated with dashed lines, which correspond
to ∆χ2 values of 1.00, 2.71, and 6.63, respectively.
inclination, although I find values for these parameters that are consistent with pre-
vious studies, as discussed in §3.4. For the cut-off power-law component, I find only
a lower limit Ecut > 600 keV if I allow the cut-off energy to fit freely. For simplicity,
I fix Ecut = 1000 keV in the best-fit model and find Γ = 1.75
+0.01
−0.02.
To illustrate the spectral features that are modeled by the inner disk reflection
component, I remove this component from the best-fit model, giving the data/model
ratios shown in Figure 3.8. I then refit this model, which gives a significantly worse
fit than the best-fit model (∆χ2/∆ν = +1060/+ 7). This increase in χ2 is driven by
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Fig. 3.7 Confidence contours for the inner disk reflection time-averaged model. Confi-
dence contours indicate 99% (black), 90% (red), and 68% (green) confidence intervals
in two interesting parameters, which correspond to ∆χ2 values of 9.21, 4.61, and 2.30,
respectively. Confidence contours are shown for the plane of the PLC Γ and the IDR
normalization (Top Left), the plane of a and AFe (Top Right), the plane of the PLC Γ
and the IDR ξ (Middle Left), the plane of the IDR a and inclination (Middle Right),
the plane of the PLC Γ and the distant reflector normalization (Bottom Left), and
the plane of the PLC normalization and the partial covering absorber NH (Bottom
Right).
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Fig. 3.8 Data/model ratios are shown after starting with the best-fit model and
then removing the inner disk reflection component without refitting (ratios at top)
to illustrate the spectral features this component accounts for. Best-fit ratios after
refitting with Γ = 1.75 fixed are shown on the bottom. Spectra are rebinned strictly
for plotting purposes to have bins either with a signal-to-noise of 80σ or a maximum
of 80 spectral channels. Also, the green line indicates a data/model ratio of unity.
residuals in the Fe K-band and the energy range E & 10 keV that are identical to
those motivating its inclusion.
I note that non-unity ratios remain at the < 10% level in the best-fit data/model
ratios at energies E & 30 keV, as χ2/ν = 1304/1219 (1.07), ignoring data below
30 keV. I attempt to account for these non-unity ratios with a phenomenological
hard power-law component, which has been observed in radio-loud AGN (e.g., 3C
273; Grandi & Palumbo 2004), in order to test whether this may be emission from the
dim, extended radio jet in the source (Mundell et al., 2003; Wang et al., 2011a). The
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hard power-law component fits with Γhard = 1.23
+0.05
−0.10, and the coronal power-law Γ
increases to Γ = 1.83+0.03−0.02. This component gives a small but significant reduction
in the fit statistic of ∆χ2/∆ν = −39/ − 2. The presence of such a hard power-
law component, which could perhaps correspond to extended jet emission, would be
interesting although I caution that the component is mainly significant in an energy
band where there is more uncertainty in the NuSTAR calibration.
In an attempt to constrain the outer extent of the corona, I try replacing the
relconv component in the best-fit model with a relativistic convolution component
with a twice-broken power-law emissivity profile, kdblur3 (Wilkins & Fabian, 2011).
I allow the inner disk radius to fit freely because the spin is fixed at a = 0.998.
The outer index is fixed to q3 = 3 as expected from basic geometry at radii in the
disk where r  h. I limit the outer break radius to values rbr,2 > 10 rg and find
rbr,2 = 10
+6
−0p rg. I also find rin = 1.5 ± 0.1 rg, q1 = 10.0+0.0p−0.4 , rbr,1 = 3.5 ± 0.1 rg, and
q2 = 2.5
+0.3
−0.2. This model provides only a slightly better fit than the best-fit model
(∆χ2/∆ν = −4/− 1), so a twice-broken power-law emissivity profile is not strongly
warranted statistically.
If I apply a lamp post model, relconv lp (Dauser et al., 2013), in place of
relconv in the best-fit model, I find a lamp post height h = 1.3+0.1−0.0p rg and a reflection
fraction consistent with the best-fit model (R = 1.2 ± 0.1) although I also find a
significantly worse fit (∆χ2/∆ν = +493/ + 2 relative to the best-fit model). I note
that the worse fit with relconv lp results from the inner disk emissivity profile
being determined solely with the lamp post height, compared to the broken power-
law profile used in relconv.
I attempt to add a second lamp post component by including a second inner
disk component because coronae could be extended, such as in a scenario where a
jet produces the coronal emission or a corona has multi-site activity. I fix all of its
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parameters to those of the first inner disk component, except for the normalization
and lamp post height. I find a similar reflection fraction and an improved fit relative
to the single lamp post model (∆χ2/∆ν = −240/− 2), where the second lamp post
component has height h = 17 ± 3 rg and low flux relative to the first lamp post
component, which again fits with a low height h = 1.3+0.3−0.0p rg. This fit, along with
my best-fit model, indicate that a model more complicated than a single point source
on the spin axis provides a statistically favored description of the reflection spectrum.
This fit also suggests that the corona may have an extended component.
In an attempt to test the extended corona scenario self-consistently, I apply the
relconv LP ext model (Dauser et al., 2013). I model the disk-illuminating source as
an outflow on the spin axis with outflow velocity vout, base height hbase, and maximum
height htop. I fix hbase to the event horizon radius, as motivated by the dual lamp post
model described above. I find vout/c = 0.01
+0.08
−0.01p and htop = 1.3
+0.1
−0.0p rg. This model
(which gives ∆χ2/∆ν = +477/ + 1 relative to the best-fit model) is consistent with
the single lamp post model presented above within errors. I find a better fit with the
dual lamp post model than with this extended corona model, which may result from
describing the corona with two physically discrete illuminating components rather
than a continuous illuminating source.
I try applying the relxill model in place of the IDR component in the best-fit
model to more accurately account for the emission angle as a function of radius. The
inner disk reflection models I employ in the best-fit model assume a single emission
angle for the inner accretion disk emission and also assume an isotropic emission
distribution. While these are valid assumptions for constraining properties of rel-
ativistic reflection, the emission angle of photons leaving the disk is not constant
and depends upon radius, especially in the innermost regions of the disk as a con-
sequence of relativistic light-bending (Garc´ıa et al., 2014). I find parameter values
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consistent within errors with those for the best-fit model including a reflection frac-
tion in the 20 − 40 keV band R = 1.3 ± 0.2 and a similar fit to the best-fit model
(∆χ2/∆ν = −5/+0). Consequently, the assumption of a single emission angle for the
inner accretion disk does not introduce significant systematic error into my results.
Absorption-dominated model
I investigate an absorption-dominated model and develop a model
that has the functional form (Tbabs) * (WA1 * WA2 * (partcov*zTbabs) *
(partcov*zTbabs) * (xillver + zpowerlw)). I find a best-fit model shown in
Table 3.4 and Figure 3.9. This model provides a statistically less satisfactory de-
scription of the time-averaged data (∆χ2/∆ν = +86/ + 5) relative to the best-fit
model.
The absorption-dominated model also has positive residuals at the < 10% level
at energies E > 30 keV, so I also attempt adding a hard power-law component to
it. I find that a similar hard power-law component as for the inner disk reflection
model, with Γhard = 1.25
+0.08
−0.07, can account for the high energy non-unity ratios. I
also find a moderate reduction in the fit statistic of ∆χ2/∆ν = −24/− 2.
Influence of the Minor Pileup in Suzaku XIS data
To investigate the influence of the mild pileup in the XIS data on my results,
I extract XIS data from an annular region with inner radius 30′′ and outer radius
170′′. I fit my best-fit model to this data, and I find consistent parameter values
within 90% confidence in one interesting parameter, except for instrument cross-
normalizations relative to XIS-FI. I find cross-normalizations for XIS-1 of 0.93±0.01,
PIN of 1.21±0.01, FPMA of 1.00±0.01, and FPMB of 1.03±0.01. Thus, I find that
the minor pileup fraction does not influence my conclusions on the spectral properties
of NGC 4151.
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Table 3.4. Absorption-dominated model time-averaged best-fit values
Component Parameter (Units) Value
PC1 NH ( cm
−2 ) (13.3± 0.9)× 1022
fcov 0.94± 0.01
PC2 NH ( cm
−2 ) 56+3−4 × 1022
fcov 0.42± 0.02
Warm absorber 1 NH ( cm
−2 ) 1.6+0.5−0.3 × 1022
log(ξ/ erg cm s−1 ) 2.52+0.07−0.02p
Warm absorber 2 NH ( cm
−2 ) 5.9+0.5−0.4 × 1022
log(ξ/ erg cm s−1 ) 3.46± 0.03
DRC AFe 1.5
+0.2
−0.1
KDRC ( ph cm
−2 s−1 ) (4.3± 0.2)× 10−4
log(ξ/ erg cm s−1 ) 0 (f)
PLC Γ 1.92± 0.01
Ecut( keV) 1000(f)
KPLC ( ph cm
−2 s−1 ) 0.117+0.002−0.003
Fit χ2/ν 4539/4106 (1.11)
Note. — Statistical errors are quoted to the 90% confidence
level. Instrument cross-normalizations and model-predicted
fluxes are consistent with those shown in Table 3.3. The red-
shifts of all components of the source are fixed to the systemic
value, z = 0.00332. PC1 and PC2 indicate partial-covering ab-
sorbers 1 and 2, DRC indicates distant reflection component,
and PLC indicates power-law component.
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Fig. 3.9 Top Panel: Absorption-dominated model plotted in Ef(E). The broadband
components are, from top to bottom, the total model (black), the coronal power-
law component that is absorbed by PC2 (red), the power-law component that is
not absorbed by PC2 (blue), and the distant reflector component (green). Bottom
Panel: The data/model ratios for XIS-FI (black), XIS-1 (red), PIN (green), FPMA
(dark blue), and FPMB (light blue). The green line indicates a data/model ratio of
unity. For plotting purposes only, spectral bins have either a significance of 80σ or a
maximum of 80 spectral channels.
3.3.2 Time-Resolved Analysis
To perform the time-resolved analysis, I produce strictly simultaneous time-
resolved data products (i.e., the data products are time-filtered to only include times
when the two observatories were simultaneously viewing NGC 4151) in seven time-
intervals, as shown in Figure 3.2. Intervals are chosen to maximize S/N and have
approximately constant hardness ratios. I omit making PIN time-resolved products
due to NuSTAR’s superior sensitivity at E > 10 keV. Information for the time-
resolved data are shown in Table 3.5. I note that similar time-resolved analyses have
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Table 3.5. Exposure times and background subtracted counts for the Suzaku and
NuSTAR time-resolved data
XIS-FI XIS-1 FPMA FPMB
Int. Time Counts Counts Time Counts Counts
( s) ( s)
1 2776 18211 7245 2959 13225 12946
2 19535 137709 55138 18680 98549 90109
3 6920 40678 15810 6319 31340 30462
4 24474 127483 49964 23550 108053 103254
5 7640 48024 18871 7318 39132 37702
6 2423 17205 7043 2906 16372 15494
7 6055 35980 14411 7120 34199 32830
Note. — Counts correspond to the 2.5−9 keV energy bandpass
for XIS-FI, 2.5 − 7.5 keV for XIS-1, and 5 − 79 keV for FPMA
and FPMB. The relatively low exposure times for the interval
6 data result from relatively poor overlap between the NuSTAR
and Suzaku observations during this interval.
been performed on joint NuSTAR observations with Suzaku or XMM-Newton of the
Seyfert galaxies IC 4329A (Brenneman et al., 2014), NGC 1365 (Walton et al., 2014),
and MCG 6-30-15 (Marinucci et al., 2014).
To first assess the spectral variability in a model independent fashion, I analyze
difference spectra between high flux states (intervals 2 and 6) and a low flux state
(interval 4), as shown in Figure 3.10. The difference spectra peak at E ∼ 3 keV
and gradually decrease with increasing energy. Additionally, the flux of the narrow,
neutral Fe Kα line at 6.4 keV varies less than the continuum.
To fully assess the spectral variability, I perform a joint fit of the time-resolved
spectra using a strategy similar to my time-averaged analysis. I initially set the
parameter values to their time-averaged model values (which are shown in Tables 3.3
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Fig. 3.10 Left: The ratios of the interval 2 (black, top), interval 4 (red, middle),
and difference (blue, bottom) spectra to the best-fit model to interval 2. Right : The
ratios of the interval 6 (black, top), interval 4 (red, middle), and difference (blue,
bottom) spectra to the best-fit model to interval 6. Notice the narrow dip in both
difference spectra at the energy of neutral Fe Kα (6.4 keV as indicated with a dashed,
light blue line). XIS-FI, XIS-1, FPMA, and FPMB spectra are shown although only
NuSTAR data are shown above 9 keV and only Suzaku data are below 9 keV for
clarity. Spectra have been rebinned for plotting purposes only. The solid green line
indicates a data/model ratio of unity.
and 3.4). I allow many parameters to fit freely but require that they fit to the same
value across all intervals under the assumption that they should not vary during the
observations. I assume the instrument cross-normalizations are constant during the
observations. The distant reflection component, which likely arises from material
at distances in the range r ∼ 7 light-days (which corresponds to the approximate
distance to the optical broad-line region in the source; Bentz et al. 2006) to r ∼
4.2×104 light-days (which is the upper-limit on the size of a dusty torus in the source;
Radomski et al. 2003), likely does not vary on the time-scale of the observations as
also suggested by the RMS Fvar of the data. The Fe abundance and inclination of
the inner accretion disk also can be assumed to be constant during the observations.
Similarly, the black hole spin can be safely assumed to be constant, as SMBH angular
momentum evolves only on cosmic time-scales from accretion and/or mergers (e.g.,
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Berti & Volonteri 2008). I additionally fix the WA2 ionization parameter to its
time-averaged best-fit value.
Inner disk reflection model
I systematically assess which parameters should be variable and constant in the
time-resolved analysis by carrying out fits for all combinations of variable parameters
for the following seven parameters: neutral absorber NH , fcov, DRC normalization
(KDRC), PLC Γ, PLC 20 − 40 keV flux (FPLC), IDR ξ, and IDR 20 − 40 keV flux
(FIDR). I parameterize the normalizations of the PLC and IDR in terms of their
20−40 keV flux for the time-resolved analysis using the cflux model in XSPEC. I allow
parameters to be variable until I no longer find an improvement in the fit based on the
F-test. I find a best-fit time-resolved fit with four variable parameters (FPLC , FIDR,
NH , and Γ). If I additionally try allowing fcov to be variable, it provides a marginally
significant improvement to the fit according to the F-test (∆χ2/∆ν = −30/ − 6).
I find that this parameter is correlated with the power-law normalization, which is
likely unphysical whether the covering fraction represents a scattered fraction or a
true covering fraction for a neutral absorber. Thus, I elect to keep the covering
fraction constant.
The best-fit time-resolved model values are shown in Tables 3.6 and 3.7. Time-
series of the parameter values allowed to vary between intervals (see Figure 3.11)
show that modest coronal and inner disk reflection flux variation drives the spectral
variability during the observations. Note the similarity of the variation in the power-
law component 20 − 40 keV flux and the 30 − 79 keV flux shown in Figure 3.2.
The reflection fraction (i.e., the ratio of the inner disk reflection and the power-
law component 20− 40 keV fluxes) is anti-correlated with the power-law component
20 − 40 keV flux. This anti-correlation is reasonable with respect to some of the
predictions of the lamp post model for a near-maximal, prograde black hole spin.
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Table 3.6. Time-resolved best-fit values for parameters free to fit within each
interval for the inner disk reflection model
Int. NH log(FPLC/ erg cm
−2 s−1 ) Γ log(FIDR/ erg cm−2 s−1 )
(1022 cm−2 )
1 14.1+0.8−1.0 −9.97+0.07−0.09 1.78± 0.04 −10.14+0.10−0.14
2 13.8+0.6−0.8 −9.96± 0.04 1.77± 0.02 −10.02+0.05−0.04
3 15.0+1.0−1.2 −10.12+0.08−0.05 1.73± 0.03 −9.88± 0.05
4 15.7+1.1−1.5 −10.22+0.07−0.11 1.73± 0.03 −9.86± 0.04
5 16.9+0.9−1.3 −9.93+0.05−0.07 1.72+0.03−0.02 −9.98+0.06−0.07
6 15.0+0.9−1.0 −9.85+0.07−0.08 1.73+0.03−0.04 −10.08+0.11−0.12
7 14.2+0.9−1.1 −10.05+0.06−0.08 1.74+0.02−0.04 −9.96+0.05−0.06
Fit χ2/ν 15655/15589(1.00)
Note. — 90% confidence intervals are given for the variable parameters for the inner
disk reflection model, which are the partial covering absorber column density, power-law
component flux in the 20 − 40 keV band, power-law component photon index, and IDR
20− 40 keV flux.
Specifically, for small lamp post heights, the reflection fraction can increase when
the lamp post moves to smaller heights due to a decrease in the continuum flux that
reaches the observer (Miniutti & Fabian, 2004; Dauser et al., 2014).
Absorption-dominated model
For the absorption-dominated model, I carry out a similar systematic analysis
as followed for the inner disk reflection model. I perform fits for all combinations
of variable parameters for the following seven parameters: the column densities and
covering fractions of both neutral absorbers, DRC normalization (KDRC), PLC Γ,
and the PLC 20 − 40 keV flux (FPLC). I allow parameters to be variable until I
no longer find an improvement in the fit based on the F-test. I find a best time-
resolved fit with four variable parameters (FPLC , Γ, and NH and fcov of PC2) as
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Table 3.7. Time-resolved best-fit values for inner disk reflection model parameters
assumed to not vary during the observations
Comp. Par. (units) Values
PC1 fcov 0.93± 0.01
WA1 NH ( cm
−2 ) 2.9+1.0−0.7 × 1022
log(ξ/ erg cm s−1 ) 2.5(f)
WA2 NH ( cm
−2 ) (2.2± 0.9)× 1022
log(ξ/ erg cm s−1 ) 3.4+0.2−0.1
DRC AFe
a 5.0+0.0p−0.3
KDRC ( ph cm
−2 s−1 ) (1.6± 0.2)× 10−4
IDR q1 10.0
+0.0p
−0.6
q2 2.8
+0.2
−0.1
rbr ( rg) 3.3
+0.2
−0.1
a 0.98± 0.01
log(ξ/ erg cm s−1 ) 3.06+0.02−0.03
i (deg) 18+5−0p
cross-norm. b XIS-1 0.95± 0.01
FPMA 1.03+0.01−0.01
FPMB 1.07+0.01−0.01
Fit χ2/ν 15655/15589(1.00)
Note. — 90% confidence intervals are given. WA1 and
WA2 indicate warm absorbers one and two, respectively,
PC1 indicates the partial covering, neutral absorber, DRC
indicates the distant reflection component, PLC indicates
the power-law component, and IDR indicates the inner disk
reflection component.
aThe Fe abundances of the IDR and DRC components
are linked together in the fitting.
bCross-normalizations are relative to XIS-FI.
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Fig. 3.11 Time-resolved analysis best-fit values for the inner disk reflection model
for the variable parameters, which are the partial covering absorber column density,
power-law component flux in the 20 − 40 keV band, power-law component photon
index, and IDR 20−40 keV flux. Vertical error bars indicate 90% confidence intervals,
and horizontal error bars indicate the duration of the interval. Horizontal lines
indicate the mean (solid) and one standard deviation (dashed).
shown in Figure 3.12. For the time-resolved analysis, I allow these four parameters
to fit independently in each interval (which are shown in Table 3.8) and allow all
other free parameters (which are shown in Table 3.9) to fit freely but linked between
each interval.
I find a best-fit absorption-dominated model that provides a slightly worse fit
of the time-resolved data (∆χ2/∆ν = +29/ + 5) relative to the inner disk reflec-
tion model. Within the context of the absorption-dominated model, variation in the
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Table 3.8. Time-resolved best-fit values for parameters free to fit within each
interval for the absorption-dominated model
Int. fcov NH log(FPLC/ erg cm
−2 s−1 ) Γ
(1022 cm−2 )
1 0.30± 0.08 55± 16 −9.86+0.03−0.02 1.94+0.07−0.06
2 0.35± 0.03 64± 10 −9.78+0.01−0.02 1.95± 0.03
3 0.49+0.03−0.04 61
+6
−7 −9.78+0.01−0.02 1.93± 0.04
4 0.51+0.02−0.03 57
+5
−4 −9.81+0.01−0.02 1.91+0.02−0.03
5 0.42+0.04−0.05 40± 5 −9.74+0.01−0.02 1.83± 0.03
6 0.32+0.07−0.08 47± 13 −9.73+0.01−0.02 1.85+0.05−0.06
7 0.41± 0.05 61+7−8 −9.81+0.02−0.01 1.91± 0.04
Fit χ2/ν 15684/15594(1.01)
Note. — 90% confidence intervals are given for the variable parameters for
the absorption-dominated model, which are the PC2 covering fraction, PC2 col-
umn density, power-law component flux in the 20− 40 keV band, and power-law
component photon index.
covering fraction of PC2 and the PLC flux drives the variability during the observa-
tions. The PC2 NH and fcov parameters appear to be correlated with variations in
the coronal continuum on the short timescales seen in the top panel of Figure 3.12.
I show correlation plots in the bottom panel of Figure 3.12 to show that fcov and
FPLC have closed confidence contours.
3.4 Discussion
Using timing and spectral analyses, I have characterized the constant and vari-
able spectral behavior of NGC 4151 as observed simultaneously with NuSTAR and
Suzaku. Through a spectral analysis, I apply inner accretion disk reflection and
absorption-dominated models. I find that the inner disk reflection model provides a
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Fig. 3.12 Top: Best-fit values for the time-resolved analysis for the variable parame-
ters for the absorption-dominated model, which are the PC2 covering fraction, PC2
column density, power-law component flux in the 20− 40 keV band, and power-law
component photon index. Vertical error bars indicate 90% confidence intervals, and
horizontal error bars indicate the duration of the interval. Horizontal lines indi-
cate the mean (solid) and one standard deviation (dashed). Bottom: Absorption-
dominated model confidence contours for the partial covering absorber covering frac-
tion versus the cut-off power-law flux for the time-resolved analysis for each time
interval as labelled. Confidence contours indicate 99% (black), 90% (red), and 68%
(green) confidence intervals for two interesting parameters.
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Table 3.9. time-resolved best-fit values for parameters assumed to not vary during
the observations for the absorption-dominated model
Comp. Par. (units) Values
PC1 NH ( cm
−2 ) 13.5+0.9−1.0 × 1022
fcov 0.94± 0.01
WA1 NH ( cm
−2 ) (1.6± 0.5)× 1022
log(ξ/ erg cm s−1 ) 2.5(f)
WA2 NH ( cm
−2 ) 5.9+0.9−0.7 × 1022
log(ξ/ erg cm s−1 ) 3.5± 0.1
DRC AFe
a 1.7+0.2−0.3
KDRC ( ph cm
−2 s−1 ) (4.1± 0.3)× 10−4
cross-norm. b XIS-1 0.95± 0.01
FPMA 1.03± 0.01
FPMB 1.06± 0.01
Fit χ2/ν 15684/15594(1.01)
Note. — 90% confidence intervals are given. WA1 and
WA2 indicate warm absorbers one and two, respectively,
PC1 indicates the partial covering, neutral absorber, DRC
indicates the distant reflection component, and PLC indi-
cates the power-law component.
aThe Fe abundances of the IDR and DRC components
are linked together in the fitting.
bCross-normalizations are relative to XIS-FI.
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better fit to the time-averaged and time-resolved spectra. Within the context of the
inner disk reflection model, I find evidence for relativistic reflection from the inner
accretion disk and a preliminary spin measurement for the supermassive black hole.
It is unlikely that a putative neutral absorber (at radii of r ∼ 104 − 105 rg;
Antonucci 1993, Urry & Padovani 1995) can partially cover AGN coronae (which
have been found to have size D . 10 rg for several AGN including NGC 4151; Reis &
Miller 2013). Furthermore, there is no physical reason to expect a neutral absorber
to be correlated with variations in the coronal continuum on the short timescales
seen in §3.3.2 because the neutral absorbing gas likely is located relatively far from
continuum source. A reasonable range of distances for the absorbing material might
extend as close as the broad-line region (r = 6.6+1.1−0.8 light-days; Bentz et al. 2006)
and as far as the upper-limit on the size of a dusty torus in the source (r ∼ 4.2× 104
light-days; Radomski et al. 2003). In contrast, a correlation between the inner disk
reflection and the coronal continuum is physically possible based on light crossing
time arguments and has been observed. The distance between the corona and the
disk inferred by Cackett et al. (2014) and the size scale of the inner disk, which are
both . 10 rg, correspond to a light-travel time . 2 ks assuming the black hole mass
M = 4.57+0.57−0.47 × 107 M (Bentz et al., 2006). The reverberation analysis of Zoghbi
et al. (2012) shows that the inner disk reflection flux can lag behind the coronal flux
on time-scales ∼ 2 ks.
Thus, on statistical and physical grounds, I discuss only the inner disk reflection
model. Here, I discuss assumptions that may introduce systematic errors in the
preliminary black hole spin value and physical scenarios for the disk-corona system.
For calculations that use the black hole mass, I use M = 4.57+0.57−0.47 × 107 M (Bentz
et al., 2006) measured from optical and UV reverberation.
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3.4.1 Systematic Uncertainties in the Black Hole Spin
Assumptions in my model introduce systematic uncertainty into the derived
confidence intervals in the dimensionless black hole spin. A primary assumption of
modeling the inner disk reflection with the relconv kernel is that the accretion disk
is radiatively efficient, optically thick, and geometrically thin at radii greater than
or equal to the ISCO radius. These assumptions generally should be applicable to
NGC 4151 considering the modest accretion rate implied by its bolometric luminosity
Lbol ∼ 0.01LEdd. The assumption of a geometrically thin disk breaks down where the
disk thickness, t, is on the same order as the radius in the disk, r, or t/r ∼ 1. For
Seyfert galaxies with Eddington ratios in the range Lbol/LEdd ∼ 0.01− 0.3, I expect
disk thicknesses in the range t ∼ (0.1 − 1.0) rg for a Shakura & Sunyaev (1973a)
disk. Thus, this assumption may be invalid for rin . 2 rg, which corresponds to spins
a & 0.94. Thus, considering the finite thickness of the disk close to the black hole, I
estimate that this assumption relaxes the spin constraint to a > 0.94.
I assume that the inner accretion disk radius is the ISCO radius and that a
negligible level of emission originates within that radius. The latter assumption is
supported by the near-maximal spin and relatively low Eddington ratio of the source,
which may indicate that some of the accretion flow within the ISCO radius is optically
thin (Reynolds & Fabian, 2008). Additionally, when I allow the inner edge of the
accretion disk to fit freely, it fits to a value consistent with the ISCO radius, even
though I restrict it to fit to values rin ≥ rISCO. Based on MHD simulations (Reynolds
& Fabian, 2008), if significant emission comes from within the ISCO radius, the fit
will be biased to higher spins systematically with error . 2% for rapidly spinning,
prograde black holes (a ≥ 0.9). Thus, I estimate that this assumption adds ∼ 2%
systematic uncertainty to the spin value. Including the systematic uncertainties
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introduced by my assumptions about the thickness and extent of the inner disk, I
find a constraint a > 0.9.
Black hole spin has some degeneracy with the iron abundance of the inner disk,
as both properties affect the strength of the broad Fe line (e.g., Reynolds et al.
2012). I find that NGC 4151 has a super-solar Fe abundance. There is no apparent
degeneracy between my derived Fe abundance and spin values as shown in Figure 3.7.
Fe abundance is constant on long time-scales. There is evidence for super-solar Fe
abundance in material distant from the SMBH. From several Ginga measurements,
Yaqoob et al. (1993) report an average value AFe ∼ 2.5 from modeling an Fe K
absorption edge. From analyzing the strength of a neutral Fe absorption edge in
XMM-Newton observations, Schurch et al. (2003) report an Fe abundance AFe ∼ 3.6,
and they report AFe ∼ 2.0 if they associate the Fe abundance of the neutral absorber
with that of a Compton reflection component.
For the Fe abundance of the inner disk, Nandra et al. (2007) measure an Fe
abundance in the range AFe = 0.3 − 0.5 from analyzing three XMM-Newton obser-
vations. They assume that the distant reflection component and inner disk reflection
component (which are modeled with pexmon and kdblur2*pexmon, respectively) are
chemically homogeneous in the same way as in the present work. Nandra et al. (2007)
caution that their XMM-Newton values require high sensitivity, broad-band observa-
tions that can simultaneously constrain the Fe Kα line and Compton hump reflection
features. My analysis simultaneously constrains both features, and my derived Fe
abundance (AFe = 5.0
+0.0p
−0.1 ) is moderately high in comparison with measurements of
super-solar Fe abundance in material distant from the SMBH. This may introduce
some bias in the spin constraint as a result of the positive correlation between spin
and the Fe abundance (Reynolds et al., 2012). However, I conclude that my derived
Fe abundance negligibly biases my spin constraint of a > 0.9.
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Black hole spin can show a degeneracy with the disk inclination if the blue
wing of the broad Fe line profile is not significantly detected, as both parameters
affect the width of the broad Fe line profile. A degeneracy is seen between the disk
inclination and spin shown in Figure 3.7. The inclination of the inner disk should
be constant on long time-scales, so I compare my determined inclination angle with
various inclination angles previously reported for the source.
The inner disk inclination angle that I find is consistent with most values de-
termined for the inner disk. From the analysis of three XMM-Newton observa-
tions, Nandra et al. (2007) find an inclination of the inner disk of i = 17+12−17 deg,
i = 21+69−21 deg, and i = 33
+1
−3 deg, respectively, where values are given for the best-fit
kdblur2*pexmon model presented for each observation. From an ASCA observation,
Yaqoob et al. (1995) find i = 0+19−0 deg using the diskline model (Fabian et al., 1989).
Cackett et al. (2014) report i < 30 deg for the inner disk from Fe Kα reverberation
measurements.
Comparing the inner disk inclination angle to that of more distant structures,
my determined inner disk inclination angle is not consistent with the inclination
of the narrow-line region, 45 ± 5 deg, as determined from Hubble Space Telescope
observations (Das et al., 2005). This suggests that the inner disk and narrow-line
region are misaligned. The inclination that I find is consistent with the galactic disk
inclination, i ∼ 21 deg, as inferred from optical photometry (Simkin, 1975) and Very
Large Array observations of neutral hydrogen (Pedlar et al., 1992).
It is possible that some of the broad Fe K line profile may arise from a different
mechanism than reflection from the inner accretion disk. For example, scattering in a
Compton thick wind near the disk can produce broadened Fe line profiles (Sim et al.,
2008). However, the strength of this feature significantly depends upon the outflow
mass loss rate. A low mass outflow rate is expected for the low mass accretion rate
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of the source implied by its Eddington ratio Lbol/LEdd ∼ 0.01. Thus, I estimate that
any contribution of scattering in a Compton thick wind near the accretion disk to
the broad Fe line is relatively weak compared to the broad line profile from inner
accretion disk reflection.
3.4.2 Physical Scenarios for the Corona and Inner Accretion Disk
My derived high inner disk emissivity index (q1 = 10.0
+0.0p
−0.4 ) indicates that the
corona that illuminates the inner disk is compact. The inner emissivity index and
photon index, Γ = 1.75+0.01−0.02, together indicate a lamp post height h < 10 rg assuming
a lamp post geometry, as the maximum inner index for Γ ∼ 1.8, h = 10 rg, and
a = 0.99 is q1 ∼ 3 (Dauser et al., 2013). A lamp post height h . 10 rg is expected
in order to produce strong reflection features from which black hole spin can be
well constrained (Dauser et al. 2013; Fabian et al. 2014). Furthermore, the high
ionization parameter that I find for the inner disk atmosphere is expected for a close
illuminating source. I note that a high emissivity index (q1 & 3) is only physically
consistent with a near-maximal black hole spin.
I calculate theoretical emissivity profiles for the lamp post model of Dauser et al.
(2013) for my best-fit Γ and a values. For this calculation, I assume a minimum height
in order to give a rough estimate of the highest emissivity index expected. I estimate
a value of q1 ∼ 7 if I average the emissivity from rISCO to the emissivity break
radius that I find for the best-fit model (rbr). So, I find an inner emissivity that is
steeper than expected for the lamp post model of Dauser et al. (2013). This partially
illustrates why the broken power-law emissivity profile for the inner disk provides a
better fit to the data than the lamp post emissivity profile. However, this estimate
does not necessarily indicate that my best-fit model is unphysical.
I find a relatively low reflection fraction compared to the maximum expected
reflection fraction, which is R ∼ 5− 10 for the lamp post model described in §3.3.1
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with a = 0.98± 0.01 and h = 1.3+0.1−0.0p rg (Dauser et al., 2014). This value is a factor
∼ 4− 8 higher than what I find. There are several possible physical scenarios for the
corona and inner accretion disk that may cause this apparent discrepancy.
If the corona results from a mildly relativistic outflow rather than a static region,
then the reflection fraction is expected to be reduced because of relativistic aberration
(e.g., Beloborodov 1999, Malzac et al. 2001). A photon index Γ ∼ 1.75 indicates
v/c ∼ 0.4 near the base of an AGN jet and a reduction in the strength of reflection,
Ω/2pi, by a factor of ∼ 10 using a disk inclination i = 18 deg (Beloborodov, 1999).
This can help explain the apparently low reflection fraction I find. I note that VLBA
observations have shown that the radio jet in NGC 4151 has had a component with
velocity v ≤ 0.050c at a distance r ∼ 0.16 pc from the nucleus (Ulvestad et al., 2005).
Also, an outflow tends to flatten the emissivity profile (Dauser et al., 2013). Keeping
these facts in mind, an outflowing corona may help explain the low reflection fraction
I find.
Truncation of the inner edge of the accretion disk at radius r > rISCO can
similarly reduce the expected reflection fraction. Lubin´ski et al. (2010) conclude that
the relatively weak strength of reflection from the disk they measure (Ω/2pi ' 0.3)
from all INTEGRAL observations of NGC 4151 from 2003 January to 2009 June can
be explained by an inner hot accretion flow surrounded by a cold disk truncated at
rin ∼ 15 rg or, alternatively, a mildly relativistic coronal outflow. When I allow the
inner radius of the accretion disk to fit freely using the kdblur3 model as described
previously, it fits to a value consistent with the ISCO radius of a black hole with the
near-maximal, prograde spin in my best-fit model. Thus, I do not find evidence for
a truncated disk from spectral fitting of my observations.
Dilution of the reflection features may also reduce the measured reflection frac-
tion. For a close disk-illuminating source suggested by the steep emissivity profile,
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it is plausible that the inner disk sees an intense irradiating flux and has a tenuous,
hot atmosphere. This may have a density profile roughly similar to that of an ac-
cretion disk in hydrostatic equilibrium, for which an intense irradiating flux can lead
to disk thermal instability (Nayakshin & Dove, 2001; Ballantyne et al., 2001). This
instability can produce a highly ionized ‘skin’, which could both further broaden
the disk reflection features and reduce the observed reflection fraction. Ballantyne
et al. (2001) showed that simulated RXTE and ASCA data of hydrostatic reflection
models (e.g., Ballantyne et al., 2001) fit with constant density models (Magdziarz &
Zdziarski 1995; Ross & Fabian 1993) tend to fit with systematically low reflection
fraction values because of dilution. Although NuSTAR provides superior sensitivity
in the 20− 40 keV energy band, where the reflection spectrum is almost completely
independent of ionization parameter, my fit is biased towards best matching the spec-
tral shape at lower energies (E . 20 keV), where the reflection spectrum is sensitive
to the ionization parameter.
With the xillver models, one assumes that the disk is illuminated at 45 deg.
However, for a compact coronal geometry, the disk illumination may be incident
on the disk at closer to grazing angles, especially within a few rg of the black hole
(Dauser et al., 2013). In the innermost regions of the disk, this would enhance the
influence of dilution and thus further reduce the reflection fraction.
In summary, both dilution from a highly ionized disk skin and a mildly rela-
tivistic outflow may contribute to the reduced reflection fraction that I find relative
to predictions for the lamp post geometry. Because an outflow tends to flatten the
emissivity profile, the formation of a highly ionized disk ‘skin’ may be the dominant
cause of the reduced reflection fraction. I do not find evidence for truncation of the
inner accretion disk.
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3.4.3 Coronal Properties
I model the coronal emission with a cut-off power-law with ECut = 1000 keV
fixed and find Γ = 1.75+0.01−0.02. This value is consistent within 3σ with the average
Seyfert photon index, Γ = 1.84±0.03, measured for 105 Seyfert galaxies with redshift
z ≤ 0.1 with Bepposax (Dadina, 2008). It is relatively hard compared to the average
photon index, Γ = 1.93 ± 0.01, for 144 Seyfert galaxies in the second INTEGRAL
AGN catalogue (Beckmann et al., 2009). The value I find agrees within 1σ with
the correlation between the photon index and Eddington ratio for a sample of 69
radio-quiet AGN out to z ∼ 2 (Brightman et al., 2013), which gives Γ = 1.63± 0.16
for Lbol/LEdd = 0.01. I note that the significant dispersion in this correlation as well
as uncertainty in estimating the Eddington ratio should be noted when applied to a
single source.
The photon index I find is consistent with the range in photon index (Γ ∼ 1.7−
1.86) that Lubin´ski et al. (2010) measure for the source in a large range of X-ray flux
states as observed with INTEGRAL during the period 2003 January to 2009 June.
The energy cut-off I find is corroborated by the energy cut-offs found by Lubin´ski
et al. (2010) for the source in high and medium flux states (ECut = 264
+48
−26 keV and
ECut > 1025 keV, respectively), which serve as upper and lower bounds, respectively,
to the 20− 100 keV flux of the source in my data.
3.5 Conclusions
I present X-ray timing and spectral analyses of contemporaneous, 150 ks NuS-
TAR and Suzaku X-ray observations of the Seyfert 1.5 galaxy NGC 4151. I test
separate inner disk reflection and absorption-dominated models in order to deter-
mine the properties of the innermost regions of the AGN. My primary conclusions
are enumerated below:
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1. I find that the inner disk reflection model provides a better statistical and
physical description of the data than the absorption-dominated model for both the
time-averaged and time-resolved spectral analyses.
2. Within the context of this inner disk reflection model, I find that relativistic
emission originates in a highly ionized inner accretion disk with a steep inner emis-
sivity profile, which suggests a bright, compact inner disk-illuminating source. I find
a relatively moderate reflection fraction with respect to predictions for the lamp post
geometry. I find a preliminary, near-maximal black hole spin a > 0.9, accounting for
statistical and systematic modeling errors.
3. Through a time-resolved spectral analysis, I find that modest coronal and
inner disk reflection variation drive the spectral variability during the observations.
4. I discuss physical scenarios with respect to my derived inner accretion disk
and coronal properties. I find that a compact coronal geometry can reproduce the
observed features.
This work further displays the ability of NuSTAR in conjunction with X-ray ob-
servatories such as Suzaku, XMM-Newton, Chandra, and Swift, to robustly constrain
coronal and accretion disk properties in Seyfert galaxies.
Chapter 4
Estimating Supermassive Black Hole
Masses in Blazars
In this chapter, I present an estimate of the SMBH masses for 10 blazars: PKS
1156+295, PKS 1510-089, PKS 1633+382, PKS 1730-130, 3C 120, 3C 273, 3C 279,
3C 345, 3C 454.3, and CTA 102. I estimate the black hole masses from single-
epoch measurements of emission lines taken with the DeVeny spectrograph on the
Discovery Channel Telescope in 2016 and 2017. Swift UVOT UV data provide the
UV flux needed for the calculation.
The mass of the SMBH is needed in order to estimate the Bondi radius, inside
of which gas is gravitationally bound to the SMBH, for comparison with the scale of
features in the jet of the blazars. The Bondi radius is
rBondi = 7.5× 1013MBH/(T/104) cm (4.1)
where MBH is in units of M and T is the temperature of the hot gas in Kelvins
(Frank et al., 2002). Interstellar gas in a galactic nucleus generally has equilibrium
temperatures at ∼ 104 K and ∼ 108 K, and it is reasonable to expect that the hot,
ambient medium surrounding the gas clouds producing the broad emission lines near
the black hole has a temperature T ∼ 108 K (see, e.g., Krolik et al., 1981).
For optically thick, geometrically thin disks, the temperature falls off with dis-
tance as T ∝ r−3/4 for radii much larger than the innermost stable circular orbit
(Shakura & Sunyaev, 1973b). The disk component flux density is calculated as
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Fν =
∫ rout
rin
IνdΩ(r), where Iν is the Planck function and dΩ(r) = 2pirdr cos i/D
2,
with i being the inclination angle of the disk and D being the luminosity distance of
the source (e.g., Melia 2009).
The black hole mass can be estimated in AGN assuming the line-emitting gas
in the BLR is virialized such that M = V 2BLRRBLR/G, where VBLR is the orbital
velocity of the gas and RBLR is the orbital radius. VBLR is related to the full-width
half-maximum of optical lines from the BLR as VBLR = fFWHM , where f accounts
for the geometry of the orbiting gas (e.g., f =
√
3 for gas clouds with uniform,
randomly oriented velocities in 3D). The radius-luminosity relationship for the BLR
in AGN is R ∝ λLγλ, where γ takes on different values for different ions (Kaspi et al.,
2005a). Reverberation mapping involves measuring the delay in the emission line
variation relative to a change in the ionizing continuum, ∆τ , to determine the BLR
radius as RBLR = c∆τ .
Here, the black hole mass is derived using the single-epoch methods described in
Vestergaard & Peterson (2006) that involve analysis of the Hβ or C IV emission lines
and McLure & Dunlop (2004) for Mg II analysis. For single epoch measurements, a
measurement of an unscaled mass is made solely from the optical line FWHM and
the luminosity of either the continuum near the line (λLλ(λc)) or of the line in the
case of Hβ (LHβ). To estimate a mass, the unscaled mass is scaled by a factor, s,
determined from a sample of sources with reverberation mass estimates and optical
line spectra from Vestergaard & Peterson (2006) for Hβ or C IV and McLure &
Dunlop (2004) for Mg II. To use these relationships for blazars, the bright optical
synchrotron emission from the jet must be subtracted to determine the luminosity
of the optical continuum emission that irradiates the BLR.
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For the continuum method, the black hole mass is calculated as
log(MBH) = log
{[
FWHM
1000 km s−1
]2[
λLλ(λc)
1044 erg s−1
]γ}
+ s (4.2)
where γ = 0.50±0.06, s = 6.91±0.02, and the continuum luminosity is measured at
λc = 5100A˚. The sample standard deviation of s is 0.43 dex. For the line luminosity
method,
log(MBH) = log
{[
FWHM
1000 km s−1
]2[
LHβ
1042 erg s−1
]γ}
+ s (4.3)
where γ = 0.63 ± 0.06 and s = 6.67 ± 0.02. The standard deviation of s in the
sample is also 0.43 dex. For sources with Mg II emission lines in their spectra, I
use the relationship determined by McLure & Dunlop (2004), which has the same
form as equation 4.2 with γ = 0.62 ± 0.14, λc = 3000A˚, and s = 6.51 ± 0.15. For
sources with C IV emission lines in their spectra, I use the relationship determined
by Vestergaard & Peterson (2006), which also has the same form as equation 4.2
with γ = 0.53± 0.06, λc = 1350A˚, and s = 6.66± 0.01. For s, the sample standard
deviation is 0.36 dex.
4.1 Observations and Data Reduction
Blazar observations were made by Dr. S.G. Jorstad with the DCT using the
DeVeny spectrograph and Large Monolithic Imager (LMI) and with the Perkins
Telescope. The DeVeny spectrograph, with 300 gratings per mm and a grating tilt
of 22◦.35, was employed to produce a spectrum from 3500A˚ to 7000A˚, centered at
5000A˚, with a dispersion of 2.2 A˚/pixel for a pixel size of 0.253”. A slit width
of 2.5” was used. For the spectral observations and data reduction, the technique
used was developed at the NASA Infrared Telescope Facility for observations with
SpecX (Vacca et al., 2003), which is based on an observation of a “telluric standard”
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whose intrinsic spectrum is known. This allowed derivation of a system throughput
curve, which was then applied to the spectrum of the sources. 3C 273 was observed
over three exposures of 300 s each. The calibration star HD107878, of spectral type
A0 and located < 1◦ from 3C 273, was observed just before and after the quasar
observation, with 2 exposures of 60 s each at both epochs. Since the DCT is capable
of switching between different instruments within 2-3 min, the spectral observations
were followed with photometry in R and V bands from images made with the LMI
in order to determine the flux scale. Bias and flat-field images were obtained for
corresponding corrections for both instruments.
The method of reduction of spectra described by Vacca et al. (2003) was im-
plemented through a series of programs written in the Interactive Data Language
(IDL) based on the Vega spectrum model of Kurucz (1979). The method includes
the following steps: (1) normalization of the observed A0 calibration star spectrum;
(2) determination of the radial velocity shift of the A0 star; (3) shift of the Vega
model spectrum to the radial velocity of the A0 star; (4) scaling and reddening the
Vega model spectrum to match the observed magnitude of the A0 star; 5) construc-
tion of the convolution kernel with shifted, scaled, and reddened model of Vega; 6)
scaling the equivalent width of the various hydrogen lines in the model to match
those of the observed A0 star; 7) division of the convolved model by the observed
A0 star spectrum, resulting in a telluric correction spectrum; 8) multiplication of
the observed target spectrum by the telluric correction spectrum to obtain the cor-
rected target spectrum; 9) conversion of the corrected target spectrum into units of
erg s−1cm−2A˚−1 based on the observed R-band magnitude to obtain the final target
spectrum; and 10) checking the final target spectrum for absolute calibration against
the observed V-band magnitude; the formulas of Mead et al. (1990) were applied to
transform magnitudes into flux densities. Figure 4.1 shows one spectrum for each of
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Fig. 4.1 One DCT spectrum per source is plotted at the actual flux levels, with
wavelengths shown in the rest frame of the blazar. Optical lines used to estimate
the black hole mass are indicated with the red dashed line (C IV), green dashed line
(Mg II), and black dashed line (Hβ).
the quasars observed. Spectra and line profiles are shown in the next section along
with best-fit models.
Observations of these blazars with the Perkins Telescope and the Swift Telescope
were additionally used where the source was in a similar spectral state in order to
broaden the spectral window of the data for better fitting the continuum. The data
was reduced by K. Williamson in a method similar to that described in Williamson
et al. (2014). I use the flux in the Perkins and Swift bands that are corrected for
interstellar absorption.
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4.2 Spectral Fitting
In this section, I describe the spectral fitting leading to the determination of the
motions of the emission-line clouds needed for the SMBH mass estimates. I describe
the fitting of the DCT spectra to estimate the continuum luminosity and the full-
width half-maximum (FWHM) of the Hβ, Mg II, and/or C IV lines. I describe
the composite continuum spectrum of synchrotron and disk emission used to fit the
spectra and determine the disk luminosity.
In general, I fit the continuum by choosing 5-10 low points in the DCT spectrum
representative of the continuum, avoiding apparent line features. I fit the continuum
points with a two-component model comprising a synchrotron component modeled
as a power-law with spectral index α and an optically thick, geometrically thin disk.
For most sources, I fix the value for the spectral index to a reasonable value for
the source due to the relative narrow bandwidth for constraining parameters of the
continuum. The disk spectrum is calculated as the sum of emission from rings in the
disk assuming that T ∝ r−3/4 and that the intensity has an approximate power-law
form between rings for closely spaced rings1.
The normalization of both components is allowed to vary in all fits. Either
the power-law index or the disk temperature is usually allowed to vary, as both
parameters cannot be well constrained due to the relatively narrow wavelength range
of the data. When fixed, the power-law index is set to a value of 1.3. This value
represents the average of the optical spectral indices for these sources published in
Williamson et al. (2014). Where the innermost disk temperature is fixed, it is set to
5× 105 K. The inclination of the rotation axis of the disk is assumed to be the same
as that of the jet as determined by Jorstad et al. (2017). Additionally, the emission
lines are fit with Gaussian functions, and the line σ, center, and normalization are
1The C code used to calculate the disk spectrum is listed in Appendix A
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all allowed to vary. The method assumes that only the disk component illuminates
the material that produces the emission lines, so the continuum luminosity used to
calculated the black hole mass corresponds to the luminosity of the disk component
only. I fit the line with a Gaussian profile to calculate its flux and FWHM. For sources
with multiple spectra, I fit them simultaneously using a fitting function making
use of the lmfit package. With simultaneous fitting, I assume that the inner disk
temperature does not vary on year-long times scales. I get the best-fit values in
Table 4.1. In general, the masses are better constrained for sources with Hβ lines
due to the relatively low uncertainties in the terms in the Hβ mass estimates.
4.2.1 PKS 1156+295
PKS 1156+295 (z=0.729) features a Mg II emission line in its optical spectrum.
I fix the synchrotron component spectral index for this source and allow the disk
temperature to fit freely. The spectra and best-fit models are shown in Fig. 4.2.
4.2.2 PKS 1510-089
PKS 1510-089 (z=0.361) features Hβ and Mg II emission lines in its optical
spectrum. I fix the synchrotron component spectral index for this fit. The spectra
and best-fit models are shown in Fig. 4.3. From the Hβ line FWHM and luminosity,
I estimate a mass (3.6+0.9−0.8)× 108 M.
4.2.3 PKS 1633+382
PKS 1633+382 (z=1.814) features a C IV emission line in its DCT spectra
(Fig. 4.4) and a Mg II line seen in the Sloan Digital Sky Survey (SDSS) spectra
(Fig. 4.5). I fix the synchrotron component spectral index while allowing the disk
temperature to fit freely. The best-fit models are shown in Figures 4.4 and 4.5.
Finding consistent values between the SDSS and DCT spectral fits allows for breaking
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Fig. 4.2 DCT spectra of PKS 1156+295 from 2017 May 27 (top) and 2018 February
21 (bottom). Here and in subsequent figures, the total model fit (blue) is composed of
a synchrotron power-law (green), a disk thermal component (red), and a gaussian to
model the emission line (purple), which is Mg II for PKS 1156+295. The continuum
luminosity and line FWHM are indicated in the bottom right.
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Fig. 4.3 DCT spectrum of PKS 1510-089 from 2017 May 3. I fit both the Hβ (top)
and Mg II (bottom) lines.
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degeneracies in the modeling of the strength of the disk component relative to the
synchrotron component.
4.2.4 PKS 1730-130
PKS 1730-130 (z=0.902) features a Mg II emission line in its optical spectrum.
I fix the synchrotron component spectral index. The innermost disk temperature
also is not well constrained, so it is fixed to a value of T = 500, 000 K. The spectra
and best-fit models are shown in Fig. 4.6.
4.2.5 3C 120
3C 120 (z=0.033) features an Hβ emission line in its optical spectrum. I fix the
spectral index of the synchrotron component, and the disk temperature is allowed to
vary. The best-fit models and spectra are shown in Fig. 4.7. Using the Hβ luminosity,
I calculate masses (1.8+0.3−0.2)× 107 M and (1.4± 0.2)× 107 M for the 2016 Oct. and
2017 Oct. observations, respectively.
4.2.6 3C 273
3C 273 (z=0.158) features an Hβ emission line in its optical spectrum for esti-
mating the black hole mass. I fix the synchrotron component spectral index and allow
the disk temperature to vary. The spectra and best-fit models are shown in Fig. 4.8.
From the Hβ line FWHM and luminosity, I calculate a mass of (1.1+0.4−0.3)×109 M for
both epochs that the source was observed. The mass I calculate using the continuum
luminosity is (6+2−1)× 108 M from both spectra.
4.2.7 3C 279
The optical spectrum of 3C 279 (z=0.538) is dominated by the synchrotron
component as shown in Fig. 4.9 along with the best-fit model. The Mg II emission
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Fig. 4.4 DCT spectra of PKS 1633+382 from observations taken on 2017 October
17 and 2018 April 16, which show the fitted C IV line.
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Fig. 4.5 SDSS spectrum of PKS 1633+382, which show the fitted Mg II (top) and C
IV (bottom) spectra.
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Fig. 4.6 DCT spectra of PKS 1730-130 from 2017 October 17 (top) and 2018 May
18 (bottom), showing its Mg II line profile.
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Fig. 4.7 DCT spectra of 3C 120 from observations on 2016 October 2 (top) and 2017
October 16 (bottom), showing the fit to the core of the Hβ line profile.
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Fig. 4.8 DCT spectra of 3C 273 from 2017 May 3 (top) and 2018 May 17 (bottom),
for which the Hβ line is fit.
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Fig. 4.9 DCT spectrum of 3C 279 gathered on 2017 May 3. The Mg II line is shown
with the best fit model.
line in its optical spectrum has a moderate equivalent width. I allow the synchrotron
component spectral index to vary in the fit while keeping the disk temperature fixed.
4.2.8 3C 345
The optical spectrum of 3C 345 (z=0.595) also features a Mg II emission line.
The spectral index of the synchrotron component is allowed to vary and fits to α = 1.4
while the disk temperature is fixed. The spectra and best-fit model for one epoch
are shown in Fig. 4.10.
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Fig. 4.10 DCT spectrum of 3C 345 as observed on 2017 October 16, showing its
prominent Mg II line.
4.2.9 3C 454.3
For 3C 454.3 (z=0.859), the Mg II emission line is used to calculate the black hole
mass. I fix the synchrotron component spectral index and allow the disk temperature
to fit freely. The best-fit model and spectra are shown in Fig. 4.11.
4.2.10 CTA 102
The optical spectrum of CTA 102 (z=1.037) has a Mg II emission line. I fix the
synchrotron component spectral index and allow the disk temperature to fit freely.
The best-fit models and spectra are shown in Figures 4.12 and 4.13.
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Fig. 4.11 DCT spectrum of 3C 454.3 taken on 2017 October 17. The fit to the Mg
II line is shown.
4.2.11 Discussion
In this section, I discuss the estimated black hole masses with respect to other
mass values obtained for these sources, where they are present. I present average mass
values and Bondi radii assuming an interstellar gas temperature of 108 K, as listed
in Table 4.2. The average masses represent the average of all mass values I calculate
from my observations. The Bondi radius is directly proportional to temperature,
so the Bondi radius would scale appropriately with another assumed temperature.
Black hole masses have been derived for a select number of sources. Gu et al. (2001)
published a compilation of black hole masses using a similar single-epoch black hole
estimate to the one I employ taking many observations of optical emission lines
from the literature and parameters derived from Kaspi et al. (1999) and McLure
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Fig. 4.12 DCT spectra of CTA 102 from 2016 October 2 (top) and 2017 September
28 (bottom), showing the Mg II line.
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Fig. 4.13 DCT spectra of CTA 102 from 2017 October 16.
& Dunlop (2001). Peterson et al. (2004) measured black hole mass with optical
monitoring reverberation mapping campaigns, and Bentz & Katz (2015) provide
updated scaling relations for these measurements.
For PKS 1156+295, a mass of (9+10−5 ) × 108 M is found, which gives a Bondi
radius of 2+3−1 pc. This is in reasonable agreement with other measurements. PKS
1510-089 has a number of reported masses. Dai et al. (2002) reported a mass of
(1.16 − 1.98) × 108 M from a relativistic beaming model. From observations of
minima in optical light curves with a period of 336 ± 14 days, Xie et al. (2002)
consider a model of a binary SMBH system with a mass of 1 × 108 M for the
primary SMBH and a mass of 1.6×106 M for the secondary. The average mass that
I find, (3.4+1.0−0.7)× 108 M, is consistent within 3σ with the value found by Dai et al.
(2002).
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Table 4.2. SMBH masses and Bondi radii
Source 〈M〉 rB
(107 M) ( pc)
(1) (2) (3)
1156+295 90+100−50 2
+3
−1
1510-089 34+10−7 0.8
+0.3
−0.2
1633+382 130+60−40 4
+2
−1
1730-130 30+20−10 0.6
+0.5
−0.3
3C 120 1.8+0.2−0.1 0.043± 0.004
3C 273 90+20−10 2.1
+0.4
−0.3
3C 279 20+20−9 0.5
+0.4
−0.2
3C 345 30+20−10 0.6
+0.4
−0.2
3C 454.3 150+200−90 4
+5
−2
CTA 102 200+300−100 5
+9
−3
Note. — The columns are described
as follows: (1) Source name; (2) the av-
erage mass value from all measurements
for the source from my observations; (3)
the Bondi radius calculated from equa-
tion 4.1 using the average mass value in
column 2 and assuming a temperature
of T = 108 K.
PKS 1633+382 is found to have an average mass value of (1.3+0.6−0.4) × 109 M,
which gives a Bondi radius of 4+2−1 pc. This is in broad agreement within the wide
range of values seen reported for this source in the range 108 − 1010 M. I find the
average measured mass of PKS 1730-130 to be (3+2−1) × 108 M, which is consistent
with other measurements. I find a Bondi radius of 0.6+0.5−0.3 pc.
3C 120 has many reported masses, and I find a value of (1.8+0.2−0.1) × 107 M.
This deviates by a factor of 3 from the value estimated by Peterson et al. (2004),
∼ 5 × 107 M. The corresponding Bondi radius is 0.043 ± 0.004 pc. In the case of
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3C 273, a virial mass value of (9+2−1)× 108 M is estimated, which results in a Bondi
radius of 2.1+0.4−0.3 pc. This is in good agreement with Peterson et al. (2004), where a
mass of 8.1×108 M is reported. For 3C 279, I estimate a mass of (2.0+2.0−0.9)×108 M
and a corresponding Bondi radius of 0.5+0.4−0.2 pc. The value of Gu et al. (2001) is a
factor of 4 higher: 8.2× 108 M.
The mass of 3C 345 is determined to be (3+2−1)×108 M, giving a Bondi radius of
0.6+0.4−0.2 pc. This deviates by a factor of ∼ 30 from the value found by Gu et al. (2001)
of 8×109 M. Separating out the disk emission from the extended jet emission likely
accounts for this. 3C 454.3 is estimated to have a mass of (1.5+2.0−0.9)×109 M resulting
in a Bondi radius of 4+5−2 pc. The value found by Gu et al. (2001), 4.4× 109 M, is in
reasonable agreement within 2σ. I estimate the SMBH in CTA 102 to have a mass of
(2+3−1)×109 M and a Bondi radius of 5+9−3 pc, which is consistent with the expectation
for a bright quasar with a redshift z ∼ 1 to host a relatively high mass SMBH.
4.2.12 Conclusions
I discuss the black hole masses measured and how they enable determining
properties of the jet in terms of the Bondi radius in the next chapter. I find masses
in the range of ∼ 107 − 109 M and Bondi radii in the range 0.05 − 5 pc in this
sample of bright blazars with extended radio jets. It is expected that some of the
most luminous of the blazars indeed contain SMBHs with masses on the order of
109 M. In several sources, the estimated Bondi radii are just resolvable at 86 GHz,
including PKS 1156+295, 3C 273, and 3C 454.3. So, barring optical depth effects,
it may be possible to probe down to and within the Bondi radius in these sources.
Important changes in jet properties have been reported at the location of the Bondi
radius, where the interstellar gas density vs. distance from the black hole relation is
expected to change. Hence, this is an especially important region to probe as is done
in the next chapters.
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Chapter 5
Probing the Jet of 3C 273 on Parsec
Scales with the Very Long Baseline Array
from 8 to 86 GHz
Here I study the parsec-scale jet of the quasar 3C 273 (redshift z = 0.158), the
archetypical quasar, based on VLBA observations at five frequencies from 8 to 86
GHz. The quasar features bright radiation from a jet and the accretion disk, as well
as from broad emission lines from dense clouds on sub-parsec scales. This potentially
allows studies of the disk-jet connection.
Multi-frequency VLBA observations by Asada et al. (2002) at frequencies span-
ning 5 to 8.6 GHz provided evidence for a helical magnetic field on scales of tens
of parsecs, while 43 and 86 GHz VLBA observations by Attridge et al. (2005)
indicated that there is substantial Faraday depolarization by an external plasma
screen on parsec scales. Hovatta et al. (2012) have found that Faraday rotation
in 3C 273 must occur inside the jet to explain a measured Faraday rotation gra-
dient transverse to the jet. Hovatta et al. (2018) have analyzed the source in the
223−243 GHz band with ALMA and detected a very high rotation measure (RM) of
RM = (3.6± 0.3)× 105 rad m−2 over the 1 mm band. These authors have compared
the RM estimate with values obtained at lower frequencies and found that the be-
havior is consistent with a sheath surrounding a conically expanding jet. However,
the jet is not resolved by their observations, so that high angular resolution VLBI
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observations are needed to study the location and structure of the innermost jet
regions.
In the present work, I analyze multi-frequency VLBA observations of 3C 273 to
probe the properties of the pc-scale jet and its environment through Faraday rotation
and the core shift method. I present the data acquisition and reduction in §5.1, show
the VLBA images in §5.2, apply the core shift method to the data in §5.3, investigate
the medium responsible for Faraday rotation in §5.4, discuss the results in §5.5, and
summarize the conclusions in §5.6.
5.1 Observations and Data Reduction
3C 273 was observed with the VLBA and the VLA in 2014 April-May; the
sessions are listed in Table 5.1. The VLBA recorded both right (RCP) and left
(LCP) circularly polarized signals over 8 intermediate-frequency (IF) bands, each
with 16, 8 MHz-wide, frequency channels. The VLBA data were correlated at the
Array Operations Center of the National Radio Astronomy Observatory (NRAO) in
Socorro, NM. I calibrated the data with the Astronomical Image Processing System
(AIPS) software package (Greisen, 2003), in the same manner as described by Jorstad
et al. (2005) and Jorstad et al. (2017) and detailed in Chapter 2. Data editing
included removal of points with system temperatures above ∼ 300 K or with an
elevation below 10 degrees. Los Alamos was selected as the reference antenna for
data at all frequencies. The initial delay calibration source at 22 GHz and 43 GHz
was 3C 454.3, while 3C 279 served as the calibrator at 8 GHz, 15 GHz, and 86 GHz.
Corrections to the phases for parallactic angle were applied, followed by amplitude
and phase calibrations, for which 3C 273 was used as its own calibrator. The flux
density as a function of frequency across each IF was determined and applied to the
data (“bandpass” correction), after which the right minus left circular polarization
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Table 5.1. VLBA and VLA observation information
ID Array Bands Date
S6096A SC HN LA PT KP OV BR MK 22 GHz, 43 GHz 2014/04/26
S6096B LA PT KP OV BR MK 86 GHz 2014/04/27
S6096F SC HN FD LA PT KP OV BR MK 8 GHz, 15 GHz 2014/05/10
S6096 VLA, Config. A 22 GHz, 43 GHz 2014/05/01
offset was removed. At this stage, data at all frequencies had amplitudes in each of
the 8 IFs consistent to within 10% and phases within 10◦. FITS-format files suitable
for the imaging procedures were produced.
The first step in the imaging process was to produce preliminary total inten-
sity images using the clean and selfcal routines in the Difmap imaging software
(Shepherd, 1997). 43 GHz images taken on 2014 May 3 were used as a reference in
developing the 22 GHz and 86 GHz images. For lower frequencies, a 15 GHz image
from the closest epoch to my observations in the MOJAVE survey (from 2014 May 12;
Lister et. al 2018) was referenced. For the 22 and 43 GHz observations, I found that
the Hancock antenna had systematically low amplitudes due to rain during the ob-
servations on April 26. To correct for this, I performed a preliminary self-calibration
to correct the low amplitudes (using the difmap task gscale). Similarly, I corrected
low amplitudes for the Pie Town antenna at 86 GHz. I made the preliminary images
using the clean task followed by self-calibration of the phases and, after no fur-
ther improvement occurred, amplitudes. I gradually decreased the solution interval
(equivalent to smoothing time) of the amplitude self-calibration from an initial value
of 120 minutes to 0 until I ended with an image with σ ≈ 1. This preliminary total
intensity image was used as a source model for phase calibration in AIPS with the
task calib, which adjusts the RCP and LCP data independently. The adjusted data
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set was then used in Difmap to produce final total intensity images, following the
same procedure as for the preliminary images.
The instrumental polarization (D-terms) were derived via AIPS tasks ccedt and
lpcal. The D terms were assumed to be constant over the course of the observations,
and average D term values (Table 5.2) were determined at each frequency using all
sources whose derived D terms were within 3σ of the average for all sources. For the
22 and 43 GHz data, this led me to use the following sources: PKS 1510-089, PKS
1633+382, PKS 1730-130, 3C 345, 3C 454.3, BL Lac, CTA 102, and OJ 287. For the
86 GHz data, the following sources were used: PKS 1510-089, PKS 1633+382, 3C
454.3, BL Lac, and OJ 287. Stokes Q and U images were then produced in Difmap
from the self-calibrated visibility data.
Calibration of the EVPA was accomplished through comparison with evpa-
calibrated VLA observations at 22 and 43 GHz and observations at 86 GHz with the
Institut de Radioastronomie Millime´trique 30-meter antenna under the POLAMI
program1 (Agudo et al., 2018). The VLA observations, which occurred on 2014 May
1, included 3C 273, OJ287, and 3C 84, with data that I reduced in a standard manner
with the Common Astronomy Software Applications package (CASA) (McMullin
et al., 2007). The bandpass, flux, and polarization calibrator was 3C 84, while
3C 273 and OJ287 served as their own phase calibrators. For each object, the EVPA
integrated over the entire VLBA image was compared with that measured in the
unresolved core of the VLA image to determine a constant EVPA offset for each
VLBA observation at 22 and 43 GHz. A similar comparison between the nearest
IRAM measurement of the EVPA and the 86 GHz VLBA integrated EVPA was
performed to determine the absolute EVPA offset at 86 GHz.
1see http://polami.iaa.es/
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Table 5.2. Derived values for the D terms for the VLBA
station ν DR,r DR,i DL,r DL,i
antenna ( GHz)
BR 22 −0.028± 0.004 0.026± 0.006 −0.025± 0.002 −0.024± 0.005
43 0.02± 0.02 0.018± 0.001 −0.02± 0.01 0.009± 0.001
86 0.048± 0.018 0.093± 0.029 −0.047± 0.011 0.092± 0.025
HN 22 0.01± 0.02 −0.005± 0.009 −0.01± 0.02 −0.01± 0.01
KP 22 −0.02± 0.01 −0.004± 0.01 0.0245± 0.003 0.003± 0.007
43 0.017± 0.009 0.015± 0.004 −0.016± 0.001 0.023± 0.006
86 0.035± 0.013 0.003± 0.020 −0.013± 0.014 −0.032± 0.027
LA 22 −0.014± 0.002 0.002± 0.005 0.017± 0.002 −0.003± 0.006
43 −0.011± 0.008 0.015± 0.009 0.0133± 0.0057 0.022± 0.003
86 0.08± 0.02 −0.061± 0.007 −0.10± 0.02 −0.03± 0.02
MK 22 −0.04± 0.01 −0.01± 0.01 0.03± 0.01 −0.02± 0.01
43 0.04± 0.02 0.048± 0.001 −0.03± 0.03 0.02± 0.01
86 −0.06± 0.01 0.02± 0.02 0.02± 0.03 0.08± 0.02
OV 22 0.004± 0.006 −0.001± 0.003 0.012± 0.002 0.023± 0.005
43 0.003± 0.006 0.003± 0.007 −0.007± 0.009 0.008± 0.005
86 −0.04± 0.02 0.05± 0.02 −0.06± 0.02 0.14± 0.02
PT 22 −0.018± 0.001 −0.005± 0.005 0.029± 0.002 0.012± 0.004
43 0.02± 0.01 −0.006± 0.004 −0.022± 0.002 −0.014± 0.001
86 −0.03± 0.10 0.07± 0.05 0.21± 0.18 0.00± 0.19
SC 22 0.02± 0.01 0.014± 0.007 −0.04± 0.01 −0.019± 0.004
43 0.009± 0.016 −0.009± 0.008 −0.001± 0.034 −0.01± 0.01
Note. — Column 1 indicates the antenna name. Column 2 indicates the frequency. Col-
umn 3 indicates the real component of the D terms for the RCP, and column 4 shows the
corresponding imaginary component. Column 5 gives the real part of the LCP D terms, and
Column 6 gives the imaginary part.
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Table 5.3. Derived flux calibration and EVPA correction factors for the VLBA
ν Ac EV PAc
( GHz) (deg)
8 1.1± 0.1 · · ·
15 1.0± 0.1 · · ·
22 1.1± 0.2 31± 9
43 1.3± 0.3 −9± 8
86 1.9± 0.2 90± 10
Note. — Column 2 indicates
the absolute flux calibration fac-
tor Ac, for which uncertainties
indicate the standard deviation
in the values determined. Col-
umn 3 indicates the EVPA cor-
rection factor.
Corrections to the flux calibration were determined and applied to the VLBA
clean models, and therefore to the images, at each frequency listed in Table 5.3.
The corrections were obtained by comparison of the integrated VLBA fluxes of the
sources PKS 1510-089, PKS 1633+382, PKS 1730-130, and OJ287 (which have very
low extended fluxes outside the field of view) with those measured with the Effelsberg
100-meter radio telescope operated by the Max-Planck-Institut fu¨r Radioastronomie,
Germany under the F-gamma program2 at 8 GHz and 15 GHz (Fuhrmann et al.,
2016), my VLA observations at 22 and 43 GHz, and the POLAMI data set at 86 GHz
(for which PKS 1730 was not included, since it was not observed at this frequency).
2see https://www3.mpifr-bonn.mpg.de/div/vlbi/fgamma/fgamma.html
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5.2 Total and Polarized Intensity Images
Total and polarized intensity images of 3C 273 at different frequencies are shown
in Figure 5.1. At all frequencies, a bright feature is observed ∼ 1 mas downstream
of the core. I will refer to this feature as the “knot.” The flux and degree of
polarization of the core and knot are summarized in Table 5.4 as determined with
difmap model fitting. I fit the core and knot components with elliptical Gaussian
brightness distributions with difmap. The flux errors are dominated by uncertainty
in the flux calibration.
The spectrum of the core is plotted in Figure 5.2. I find a spectral index of
αcore = −0.2±0.1 for the core. The core shows polarized emission only in the 43 and
86 GHz images. The EVPA in the core is −31◦ at 43 GHz and −25◦ at 86 GHz. The
knot spectrum has a spectral index of αknot = 0.8± 0.1, as plotted in Figure 5.3. In
the knot, a consistent value is seen in the EVPA between these frequencies, which
suggests that the knot is an optically thin feature. The EVPA represents the average
value measured over the area of the feature.
I determined the jet position angle of −138.7 ± 2.3◦ by averaging the position
angle of the knot relative to the core at all frequencies (where the error represents
the standard deviation). This is in agreement within 2σ with the mean (over time)
jet position angle measured with the VLBA at 43 GHz (−142.7± 3.3◦ as determined
for components within 0.7 mas; Jorstad et al. 2017) and 15 GHz (−143.7 ± 4.0◦
as determined for components within < 1.3 mas observed within the same period
as Jorstad et al. 2017; Lister et al. 2013). As shown by jet intensity profiles at
all frequencies in Figure 5.4 along the jet axis, a shift of the core upstream with
increasing frequency is observed when the images are aligned by the knot. The peak
intensity of the knot falls with frequency, indicating that the feature is optically thin,
as mentioned above based on the EVPA behavior.
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Fig. 5.1 Total intensity (yellow contours), polarized intensity (indicated in the color
map), and EVPA (indicated by black line segments) at 22, 43, and 86 GHz. Contours
and polarization are clipped at a level low enough to indicate the noise level. The
lowest contours are 1%, 1%, and 0.5% of the total intensity peak at 22, 43, and 86
GHz (see text), respectively. The images are convolved with an elliptical Gaussian
beam (shown in the bottom left corner of each image) corresponding to a fit to the
central point-spread function at 43 GHz, with a FWHM major axis of 0.38 mas,
minor axis of 0.15 mas, and position angle of −10◦. The blue dashed line delineates
the axis of the jet.
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Fig. 5.2 Total flux density in the core vs. frequency. The slope is consistent with a
power-law with spectral index αcore = −0.2± 0.1.
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Fig. 5.3 Total flux density in the knot vs. frequency. Above 15 GHz, the spectrum
is fit with a power-law with spectral index αknot = 0.8± 0.1.
101
Table 5.4. Total and polarized flux densities of the core and knot
86 GHz 43 GHz 22 GHz 15 GHz 8 GHz
FCore (Jy) 3.3± 0.4 2.9± 0.7 2.8± 0.4 2.6± 0.4 2.1± 0.4
pCore (%) 1.0± 0.1 0.2± 0.1 0.2± 0.1 − −
Fknot (Jy) 0.6± 0.1 0.7± 0.2 0.8± 0.1 1.5± 0.2 1.7± 0.3
pknot (%) 13.1± 2.7 9.3± 0.2 5.9± 0.1 − −
Note. — Uncertainty in total intensity is dominated by uncertainty
in absolute calibration (which is shown in Table 5.3) and is greater
than the noise level, which is estimated as the lowest contours in each
image.
5.2.1 Image Alignment
I align the images at different frequencies using two methods: cross-correlation
and model fitting. In the first, I use a 2D cross-correlation via the method described
in Croke & Gabuzda (2008). I assume that the extended component is a stationary,
optically thin feature, as suggested by its spectrum, similar morphology, and similar-
ity of 43 and 86 GHz polarization (see above). I convolve the images with the 22 GHz
beam, and I correlate them using the scipy function signal.correlate2d. I first
do this by selecting a rectangular region encompassing only the extended features
(i.e., excluding the core). I then calculate the cross-correlation function of this region
with the image at the 2nd frequency. I do this for neighboring frequency pairs (43
and 86 GHz, 22 and 43 GHz, 15 and 22 GHz, and 8 and 15 GHz). I align the images
by determining the sub-pixel location of the peak of the cross-correlation function
corresponding to alignment of the knot at each frequency. The images are then
mapped to new coordinates using the scipy function ndimage.map coordinates
with a 5th-order spline interpolation, given the aligned images shown in Figure 5.5.
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Fig. 5.4 3C 273 intensity profiles at different frequencies aligned by the knot from
images convolved with the 22 GHz beam. The core can be seen to shift upstream
with increasing frequency.
The model-fitting method follows that implemented by Kovalev et al. (2008). I
again assume that the knot is a stationary, optically thin feature and align images
at all frequencies with its centroid after fitting its brightness distribution in Difmap
with an elliptical Gaussian function. I start with the clean models produced with
Difmap and then remove the clean components from the core and the knot. I then
fit these components with circular Gaussian functions to determine the location of
the centroid and angular size of each component. From calculating the core-knot
separation at each frequency, I determine the location of the core at 8, 15, 22, and 43
GHz relative to that at 86 GHz (which depends on my assumption that the position
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Fig. 5.5 Left : Alignment of the image at 22 GHz (which is shown with the black
contours) with the image at 43 GHz (which is shown with red dashed contours).
Right : Alignment of the image at 43 GHz (which is shown with the color map and
black contours) with the image at 86 GHz (which is shown with red dashed contours).
of the knot is independent of frequency). I find relative shifts at each frequency that
are consistent with the cross-correlation method.
5.3 Core Shift Analysis
After registering the images at the different frequencies, I measure the shift in
the location of the centroid of the mm-wave core as a function of frequency, carrying
out an analysis similar to that of Hada et al. (2011b) for the galaxy M87. I determine
the position and size of the core (with radius R) at each frequency through model fit-
ting, with the core and other bright features approximated to have circular Gaussian
brightness distributions. These values are summarized in Table 5.5. Uncertainties
in the core separations and sizes are determined from fitting jet intensity profiles
along the jet axis with Gaussians, and are assumed to be similar for the 2d Gaussian
distributions. For subsequent analysis, I adopt a spherical shape of the core, with an
angular radius of 1.8 × ( FWHM/2). The projected separation (on the plane of the
sky) from the 86 GHz core is determined by assuming a flat ΛCDM cosmology from
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Table 5.5. Core separations and sizes from model fitting
86 GHz 43 GHz 22 GHz 15 GHz 8 GHz
∆θ86 (mas) 0.0 0.12± 0.08 0.29+0.09−0.08 0.47± 0.08 0.79+0.08−0.07
∆r86 (pc) 0 3
+3
−2 7
+5
−3 12
+7
−3 20
+10
−5
R (mas) 0.04± 0.01 0.07± 0.01 0.11± 0.02 0.16± 0.04 0.23± 0.06
Note. — ∆θ86 indicates the observed separation from the 86 GHz core at the
given frequency. ∆r86 indicates the deprojected distance. R indicates the size of
the core.
the WMAP 9-year data release (Hinshaw et al., 2013) with H0 = 69.3 km s
−1 Mpc−1
and Ωm = 0.287, which gives 1 pc = 2.76 mas for 3C 273.
I estimate the location of the convergence point of the jet with the vertex method
by fitting a line to the radial profile of the transverse jet radius, as shown in Fig 5.6,
with values listed in Table 5.6. The points can be fitted by a line with an x-intercept
at ∆θ∞−86 = −0.17 ± 0.03 mas and a slope m = tanφp with φp = 13.7 ± 1.6◦, as
listed in Table 5.7. ∆θ∞−86 corresponds to a de-projected distance of 4.2+2.9−1.3 pc for a
viewing angle of 6.4±2.4◦ (Jorstad et al., 2017), and φp corresponds to the projected
half-opening angle, which is in agreement with the value found by Jorstad et al.
(2005) during the period 1998-2001, 13.4 ± 2.5◦. However, this is about twice as
large as that derived from more recent observations (2008-2013) by Jorstad et al.
(2017), 6.6± 3.5◦.
Core shift measurements, ∆θ, as a function of the frequency are shown in Fig-
ure 5.7. I fit a power-law+offset model to the data with the following form:
∆θ = A(
ν
1 GHz
)−p −∆θ∞−86 [ mas] (5.1)
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Fig. 5.6 3C 273 jet radius vs. observed angular distance as measured with model
fitting at various frequencies.
I assume that the value of the offset is the same as the value of the x-axis intercept
found from the vertex method, whose parameter values are given in Table 5.7. As-
suming this value, I find that an index of p = 0.72+0.07−0.09 gives the best correspondence
between the data and power-law model.
If I consider core shift models with different gradients of the magnetic field,
B ∝ r−m, and the normalization of the electron energy distribution, K ∝ r−n, I can
parameterize the index p in terms of α, m, and n (Lobanov, 1998):
p =
5 + 2α
(3 + 2α)m+ 2n− 2 (5.2)
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Table 5.6. Vertex method parameter values
φp ∆θ∞−86
(deg) (mas)
13.7± 1.6 0.17± 0.03
Note. — Parameters
are for the function R =
(r−∆θ∞−86) tan θp, where
R is the radius of a trans-
verse section of the jet, φp
is the half-opening angle
of the jet, and ∆θ∞−86 is
the distance from the lo-
cation of the 86 GHz core
to the x-axis intercept,
which corresponds to the
vertex of a conical jet.
I can also parameterize the normalization constant A in terms of the core shift
measure Ωrν Lobanov (1998), which has the following form:
Ωrν = 4.85× 10−9 ∆r12DL
(1 + z)2
νp1ν
p
2
νp2 − νp1
(5.3)
where ∆r12 is the separation (in mas) of the core locations at frequencies ν1 and ν2
where ν2 > ν1, DL is the luminosity distance, and z is the redshift. The normalization
constant can then be expressed as A = Ωrν/ sin i, where i is the viewing angle of the
source.
I first consider that the value of α in the core is unknown. If I assume that
the jet is adiabatic, n = 2(2α + 3)/3, I can estimate the value for α. For m = 1,
I find α = 0.8+0.6−0.3. For m = 2, I find α < 0.4. I then constrain the value of α to
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Fig. 5.7 3C 273 core shift profile. The best fit power-law+offset model has power-law
index p = 0.72+0.07−0.09 and approaches a value of −∆θ∞−86 = −0.17 mas as ν → ∞,
which corresponds to the distance from the 86 GHz core to the convergence point of
the jet.
typical values, α = 0.5 and α = 0.65, which are considered because this value is
not directly measured from the images. The observed core shift along with models
based on different assumptions are displayed in Figure 5.8. I consider three models
with different gradients of the magnetic field, B ∝ r−m and the normalization of
the electron energy distribution, K ∝ r−n: a conical jet in equipartition (m = 1,
n = 2; this requires re-heating of electrons to offset adiabatic cooling), a conical jet
with adiabatic cooling (m = 1, n = 2(2α+ 3)/3), and a conical jet with longitudinal
magnetic field and adiabatic cooling (m = 2, n = 2.7).
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Table 5.7. Core shift parameter values
A p ∆θ∞−86
(mas) (mas)
4.3+1.0−0.8 0.72
+0.07
−0.09 0.17(f)
Note. — The parameters
are for a model of a power-
law with constant offset of
the form ∆θ = A( ν
1 GHz
)−p −
∆θ∞−86 [ mas]. ∆θ∞−86 cor-
responds to the distance from
the 86 GHz core to the sonic
point of the jet.
As shown in Figure 5.8, the conical jet in equipartition does not provide a good
fit for either value of α. There is better agreement with the data for the models
including adiabatic cooling with m = 1. I fit for the value of m using values for
the core shift between the 22 and 43 GHz cores, which have an angular separation of
0.171 mas. I find values of m = 1.2±0.2 and m = 1.1±0.2 for α = 0.5 and α = 0.65,
respectively. I relax the constraint on ∆θ∞−86, allowing it to fit freely, and it fits to
a value consistent with the value from the vertex method, 0.14± 0.03 mas. Thus, a
conical jet with adiabatic cooling and m = 1 is best able to explain the core shift
data. The average value of Ωrν considering all frequency pairs is 15.2± 1.2 pc GHzp,
where the error is the standard deviation of the Ωrν values. The core locations are
calculated in Table 5.8.
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Fig. 5.8 Measured 3C 273 core shift compared with various values for the radial
dependence of the magnetic field and density (see text).
Table 5.8. Core locations relative to the jet convergence point
86 GHz 43 GHz 22 GHz 15 GHz 8 GHz
rcore (pc) 4
+2
−1 6
+4
−2 11
+6
−3 15
+9
−4 24
+10
−7
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5.4 Probing the Parsec-Scale Magnetic Field
Under the assumption that the core is the τssa ∼ 1 surface at lower frequencies,
where τssa is the optical depth to synchrotron self-absorption, I use the core shift
measured in §5.3 to calculate the magnetic field in the core as a function of frequency,
and therefore distance down the jet using the methods of Lobanov (1998). Before
this, I derive expression for the magnetic field for a homogeneous source to get an
order-of-magnitude check on these values.
5.4.1 Magnetic Field in a Homogeneous Source
Because of relativistic aberration, the view of features in the jet is rotated such
that the aberrated line of sight is roughly transverse to the jet axis. The optical
depth is then
τssa ∼ 1 ∼ 2Rc2(α)KB(3+2α)/2ν−(2α+5)/2[δ/(1 + z)](2α+5)/2), (5.4)
where R is the radius of the jet, the function c2(α) is tabulated by Pacholczyk (1970),
K(r) is the normalization of the electron number density (N(E) = KE−2(α+1)),
B(r) is the magnetic field strength, and δ = 4.3 ± 1.3 (Jorstad et al., 2017) is the
Doppler factor. The flux density at the peak of the radio spectrum, as estimated
from extrapolating from the optically thin part of the spectrum, is
Fm =
4pi
3
c1(α)D
−2
l R
3KB1+ανm[δ/(1 + z)]
3+α, (5.5)
This equation has several variables with the same definition as in Eq. 5.4 as well as
Dl, which is the luminosity distance, and c1(α), which is also tabulated by Pacholczyk
(1970), and νm, which is the turnover frequency of the synchrotron spectrum. From
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these equations the magnetic field can be derived as
B = (
2pi
3
R2)2c21(α)/c
2
2(α)D
−4
l ν
5F−2ν [δ/(1 + z)]. (5.6)
Inserting my measured values for the flux density and core size versus frequency,
I would find a magnetic field strength in the 43 GHz core of B ∼ 1.3 G under the
assumption that the source is homogeneous, which is not the case. So, this value
represents an order-of-magnitude check on the value that is derived following the
core shift methods of Lobanov (1998).
5.4.2 Magnetic Field from Core Shift Measurements
Assuming the jet magnetic field and density have radial profiles B ∝ r−m and
N ∝ r−n, the magnetic field in the core can be estimated using the measured core
shifts. I use the best fitting values m = 1 and n = 2(2α + 3)/3 = 2.7 for α = 0.5.
The magnetic field in the core can be determined, as derived by Lobanov (1998), as
Bc = ν
mp[
Ωrν
(1 + z) sin i
]ζF−q (5.7)
where q = (5 + 2α)/(3 + 2α), ζ = (q/p) − m, and F = (1 + z)−1[6.2 ×
1018C2(α)δ
N1φo]
1/(+1). For F , N1 is the density at 1 pc, δ is the jet Doppler factor,
φo is the jet opening angle, and  =
3
2
+α. I estimate N1 ≈ 1000 cm−3 using equation
(3) from Marscher (1983) for a uniform source. With these values, I calculate the
magnetic field strength in the jet shown in Fig. 5.9. B-field values of 5.1± 2.4 G and
2.9± 1.4 G are found at the locations of the 86 and 43 GHz cores, respectively. The
latter value is reasonable with respect to the simplified order-of-magnitude estimate
in § 5.4.1.
If the core is a τssa ∼ 1 surface, the flux density of the core is expected to depend
on frequency and spectral index as determined Fν ∝ ν−αcore where αcore = − 20α15+14α
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Fig. 5.9 Magnetic field strength vs. distance down the jet (shown with blue points)
as calculated using equation 5.7.
for a conical jet with m = 1 and adiabatic losses (Marscher, 1980). The value of
αcore = −0.2 ± 0.1, which is flatter than the value of −0.45 to -0.61 expected for
a conical jet with α = 0.5 to 0.8. This discrepancy implies that the jet may be
adiabatic over some ranges of r and in equipartition (for which αcore = 0; Blandford
& Ko¨nigl 1979) in other regions.
5.5 Discussion
My core shift versus frequency relation (Fig. 5.8) is well fit with a model of a
conical jet experiencing adiabatic losses on pc scales. I show a simple picture of the
pc-scale jet in Figure 5.10. However, the spectrum of the core is closer to that of a
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Fig. 5.10 Cartoon of the pc-scale jet in 3C 273 showing the core locations and radii
at each frequency as measured. The Bondi radius is indicated as a dotted circle.
conical jet in equipartition. The geometry is consistent with the results of Hovatta
et al. (2018), who found that the RM dependence on frequency is consistent with a
conical jet surrounded by a sheath. Pushkarev et al. (2012) did not find a significant
core shift from observations at frequencies ∼ 8− 15 GHz, but it is possible that the
core shift was not detected owing to the downstream feature not being resolved from
the core at these lower frequencies.
Akiyama et al. (2018) have obtained a preliminary result that the jet is parabolic
within ∼ 4 mas of the SMBH and conical outside, with a transition at a radius similar
to the Bondi radius. They note a similar behavior to the jet in M87 (Nakamura &
Asada, 2013). Akiyama et al. (2018) observed at frequencies up to 43 GHz, which
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probe the jet out to a region just upstream of this observed transition. My 86 GHz
observations probe further upstream than their observations, if the core is indeed the
τssa = 1 surface. If there is a region where the jet is parabolic, my results imply that
it is at or inside the 86 GHz core, located at a projected distance of 0.17± 0.03 mas
corresponding to 0.47 ± 0.08 pc from the SMBH. For a viewing angle of 6.4 ± 2.4◦
(Jorstad et al., 2017), the de-projected distance is 4.2+2.8−1.6 pc. If the hot medium
surrounding the 3C 273 jet has a temperature T ∼ 108 K (see, e.g., Krolik et al.,
1981), I estimate the Bondi radius to be rBondi = 0.8
+0.3
−0.2 pc, which is less than the
distance from the SMBH to the 86 GHz core. Thus, it is still possible for my results
to be conceptually consistent with the model presented by Akiyama et al. (2018) of
the jet transitioning from a parabolic to a conical shape at the Bondi radius assuming
the Bondi radius that I estimate.
Due to the lack of polarization in the core at 22 GHz, I estimate the minimum
rotation measure in the core to be 17000 rad m−2 assuming that the medium will have
caused the EVPA to have rotated by a factor greater than 180◦ to de-polarize the
observed emission. Combining this information with the measured magnetic field
strength and core size, I estimate the minimum electron density as a function of
radius in the jet, assuming the length of the region is similar to the width of the
region and that the magnetic field and electron density depend on distance in the
jet with m = 1 and n = 2(3 + 2α)/3. I then find the minimum electron densities
shown in Figure 5.11. I find values of 0.30± 0.15 cm−3 and 0.07± 0.04 cm−3 for the
86 and 43 GHz cores, respectively. I stress that these are lower limits as I estimate
previously in § 5.4.2 that N1 ≈ 1000 cm−3 .
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Fig. 5.11 Minimum electron density as a function of distance from the de-projected
distance from the convergence point of the jet determined from the minimum value
of the rotation measure.
5.6 Conclusions
Multi-frequency VLBA observations of the parsec-scale jet of 3C 273 provide
evidence for a shift in the core location that decreases with increasing frequency.
My quantitative analysis indicates a power-law relationship between the angular
separation of the core (wrt an optically thin knot used as a reference) and frequency
with a slope of −0.72+0.07−0.09. The separation of the 86 GHz core from the extrapolated
convergence point of the jet is 4.2+2.8−1.6 pc, and it is 4
+2
−1 pc from core shift methods.
These values are explained by some aspects of a model of a conical jet with adiabatic
losses, in which B ∝ r−m with m = 1 and K ∝ r−n with n = 2(2α + 3)/3, although
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the flux density spectrum is flatter than such a model predicts. I find a value of
∼ 17000 rad m−2 for the rotation measure in the core and estimate the minimum
electron number density from this. From estimating the black-hole mass with optical-
UV observations, I find that the Bondi radius is located upstream of the 86 GHz
core region. In the future, VLBI at a frequency of 230 GHz with the Event Horizon
Telescope (EHT) should be able to probe AGN jets closer to the black hole than
has been possible thus far. This will allow blazar properties such as jet shape and
magnetic field configuration to be determined farther upstream, perhaps up to the
base of the jet.
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Chapter 6
Probing Blazar Jets on Parsec Scales with
the Very Long Baseline Array from 8 to
86 GHz
I present VLBA total and polarized intensity images of nine additional blazars
observed at 22, 43, and 86 GHz in 2014 April and May. Where there is significant
polarization, I analyze the Faraday rotation measure and degree of polarization at
the location of the 86 GHz VLBI core, as well as many frequency-dependent shifts in
the position of the mm-wave core. I probe the nature of the Faraday rotation screen
(including whether it is located internal or external to the jet) and structure of the
magnetic field geometry in the inner parsec-scale jet. Data reduction was carried out
in a fashion similar to that described in Chapter 6, so I proceed directly to describe
the results in this chapter. Sources observed are listed in Table 6.1. Total intensities
and polarization percentages from these observations are listed in Table 6.2.
6.1 PKS 1510-089
Total and polarized intensity maps are shown with EVPAs in Figure 6.1. PKS
1510-089 has significant extended emission at 22 and 43 GHz. The 43 and 86 GHz
images reveal a component ∼ 0.5 mas downstream of the core. The lack of this
component at 22 GHz inhibits the ability to measure a core shift.
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Fig. 6.1 Total (contours) and linearly polarized (color) intensity maps at 22 (upper
left), 43 (upper right), and 86 GHz (bottom left) for 1510-089 are shown. In this
image as well as subsequent images, contours and EVPA sticks are clipped at a
level in order to show emission from the source rather than the noise, and the peak
intensity (Ipeak) and uncertainty in the intensity (σI) from Table 6.2 are included for
convenience.
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Table 6.1. Source observation information
Source RA Dec z 8 15 22 43 86
(J2000) (J2000) ( GHz)
1510-089 15:12:50.5329 -09:05:59.828 0.361 X X X X X
1633+382 16:35:15.4929 +38:08:04.500 1.814 X X X X X
1730-130 17:33:02.7057 -13:04:49.547 0.902 · · · · · · X X · · ·
3C 279 12:56:11.1665 -05:47:21.523 0.536 X X X X X
3C 345 16:42:58.8099 +39:48:36.993 0.593 X X X X · · ·
3C 454.3 22:53:57.7479 +16:08:53.560 0.859 X X X X X
BL Lac 22:02:43.2913 +42:16:39.979 0.069 X X X X X
CTA 102 22:32:36.4089 +11:43:50.904 1.037 X X X X · · ·
OJ 287 08:54:48.9000 +20:06:30.641 0.306 X X X X X
Note. — Frequencies for which data are available are indicated with a checkmark
while an ellipsis indicates that no data are available.
6.1.1 Probing the Faraday Screen
The rotation measure map is shown in Figure 6.2. A relatively low rotation
measure of −1530 rad m−2 is measured in the core. A change in the rotation measure
from positive to negative values across the jet axis is similar to the pattern expected
for a helical magnetic field geometry.
6.2 PKS 1633+382
As shown in Fig. 6.3, PKS 1633+382 primarily has strong polarized emission in
the core. More extended emission is apparent at 22 GHz. A modest rotation measure
of −940 rad m−2 is found in the core. Polarized emission is present downstream in
the jet, with an EVPA of ∼ −48◦ that is rotated relative to the core.
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Table 6.2. Total and polarized intensities of the jet features
Source 22 GHz 43 GHz 86 GHz
PKS 1510-089 ICore (Jy/beam) 3.911± 0.003 2.30± 0.01 2.09± 0.02
pCore (%) 1.9± 0.1 3.0± 0.1 2.7± 0.1
PKS 1633+382 ICore (Jy/beam) 3.514± 0.006 2.80± 0.02 1.97± 0.01
pCore (%) 1.2± 0.1 2.8± 0.1 2.1± 0.1
PKS 1730-130 ICore (Jy/beam) 3.16± 0.02 2.13± 0.02 · · ·
pCore (%) 0.7± 0.1 0.8± 0.1 · · ·
IKnot (Jy/beam) 1.22± 0.01 0.56± 0.02 · · ·
pKnot (%) 2.7± 0.2 5.5± 0.4 · · ·
3C 279 ICore (Jy/beam) 12.00± 0.08 9.77± 0.07 5.74± 0.04
pCore (%) 1.0± 0.4 2.2± 0.4 2.0± 0.2
IKnot (Jy/beam) 7.90± 0.04 4.37± 0.04 2.20± 0.04
pKnot (%) 6.5± 0.6 14.8± 1.0 7.4± 0.6
3C 345 ICore (Jy/beam) 2.22± 0.02 1.66± 0.01 · · ·
pCore (%) 1.8± 0.1 2.7± 0.1 · · ·
IKnot (Jy/beam) 1.24± 0.01 0.89± 0.01 · · ·
pKnot (%) 7.1± 0.2 7.9± 0.2 · · ·
3C 454 ICore (Jy/beam) 13.78± 0.05 18.92± 0.07 13.39± 0.09
pCore (%) 0.1± 0.1 0.2± 0.1 0.2± 0.1
IKnot (Jy/beam) 0.25± 0.09 0.29± 0.09 0.64± 0.09
pKnot (%) 2.7± 0.8 5.8± 1.2 0.7± 0.1
BL Lac ICore (Jy/beam) 4.87± 0.02 3.02± 0.01 3.07± 0.02
pCore (%) 1.4± 0.1 4.2± 0.2 3.1± 0.1
CTA 102 ICore (Jy/beam) 2.89± 0.02 1.90± 0.01 · · ·
pCore (%) 0.5± 0.1 0.7± 0.1 · · ·
OJ 287 ICore (Jy/beam) 4.66± 0.02 4.52± 0.02 4.98± 0.04
pCore (%) 1.7± 0.1 3.0± 0.1 1.9± 0.1
IKnot (Jy/beam) 0.10± 0.04 0.09± 0.04 0.21± 0.04
pKnot (%) < 4 22.2± 6.5 17.2± 2.7
Note. — The uncertainty in total intensity is estimated from the noise of the
image, which is determined as the lowest contour of the image showing only source
structure, divided by
√
2.
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Fig. 6.2 Top: Rotation measure map for 1510-089. Bottom: Rotation measure profile
transverse to the jet axis between points A and B labeled on the map.
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Fig. 6.3 Total (contours) and linearly polarized (color) intensity maps at 22 (upper
left), 43 (upper right), and 86 GHz (bottom left) for 1633+382.
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6.3 PKS 1730-130
Total and polarized intensity maps for PKS 1730-130 are shown in Fig. 6.4.
Two resolved regions are seen in the core with distinct polarizations, consistent with
the emergence of a knot feature during this epoch. No observations were made at
86 GHz of the source. The polarization of the core region is stronger on the east
side by a factor of ∼ 2 relative to the west side. The extension of the core is notable
and has a higher polarization fraction than the central region of the core at 22 and
43 GHz, as shown in Table 6.2. The strong polarization to the east and west of the
core resembles the spine-sheath structure proposed by MacDonald et al. (2017).
6.4 3C 279
3C 279 shows strong emission in the core and extended jet at all observed
frequencies as shown in Figure 6.5. At this epoch, 3C 279 has weak polarized emission
in the core. The knot spectrum is consistent with being optically thin, as derived
from the values of Table 6.2, which is also consistent with the strong polarization
seen in this feature.
6.4.1 Probing the Faraday Screen
I calculate Faraday rotation measure maps to probe the medium serving as
the screen. These will be used to infer the gradients in density and magnetic field
in the Faraday screen. I model polarization in the jet as a function of frequency
to determine the geometry of the Faraday screen, which may correspond to the
interstellar medium surrounding the jet, specifically whether it is internal or external
to the jet. The rotation measure map for 3C 279 is shown in Figure 6.6.
I find a rotation measure of RMobs = 930 rad m
−2 in the core, which corresponds
to an intrinsic rotation measure RMint = (1 + z)
2 × RMobs = −2200 rad m−2. As-
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Fig. 6.4 Total (contours) and linearly polarized (color) intensity maps at 22 (left)
and 43 (right) GHz for PKS 1730-130.
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Fig. 6.5 Total (contours) and linearly polarized (color) intensity maps at 22 (upper
left), 43 (upper right), and 86 GHz (bottom left) for 3C 279.
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Fig. 6.6 Rotation measure map for 3C 279 (Top). Rotation measure profile across
the core between points A and B labeled in the map (Bottom).
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suming a uniform screen, this corresponds to a product of the density, magnetic field
strength, and path length of neLB‖ = 2.7×10−3 cm−3 pc G. I first consider the case
of the screen being internal to the jet. For an order of magnitude estimate, I assume
the screen length is similar to the size of the 86 GHz core (∼ 0.5 pc). I calculate the
magnetic field energy density (uB =
B2
8pi
) and electron energy (ue =
∫ E2
E1
KE−2αdE)
density assuming equipartition between the magnetic and electron energy density
(uB = ue). This is satisfied for B ∼ 0.01 G and ne ∼ 0.4 cm−3 with an energy den-
sity of 3× 10−5 erg cm−3. In the case that the Faraday ‘screen’ is external to the jet,
a plasma density of ∼ 107 cm−3 is required for the external medium to confine the
jet assuming a temperature T ∼ 104 K (see, e.g., Krolik et al., 1981), which gives a
pressure 3× 10−5 erg cm−3. The screen must be very thin (∼ 1011 cm).
No rotation measure gradient is seen transverse to the jet ∼ 0.5 mas downstream
from the core, which likely indicates no detectable change in the electron density,
magnetic field along the line of sight, or path length of the polarized light in the
jet. This suggests that the Faraday rotation occurs in a nearly uniform ‘screen’ such
as an ionized hydrogen region. A rotation measure gradient is observed in the core,
with the rotation measure changing from a value of 3700 rad m−2 to −6100 rad m−2
with a gradient of 25000 ± 3000 rad m−2 mas−1 which could suggest changes in the
direction of the magnetic field. To estimate B and ne in the jet, I also consider
the maximum value measured in the core, −6100 rad m−2, because the value for
the rotation measure of the entire core calculated previously may underestimate the
magnetic field strength and electron density due to averaging of EVPAs within the
beam. I find B ∼ 0.03 G and ne ∼ 1.3 cm−3 .
6.4.2 Core Shift Analysis
A measurement of core shift in 3C 279 is shown in Fig. 6.7, which additionally
includes 15 GHz data. I fit a power-law with an offset in the same fashion as the core
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shift analysis in Chapter 5. I fix the value of the offset ∆θ∞−86 to 0.1 mas because
it is not well constrained. Best-fit parameters for the fit are given in Table 6.3. A
non-zero power-law index p = 0.72+0.40−0.30 is found, but with a significance at the < 2σ
level. If I instead fix the power-law index and normalization to values corresponding
to m = 1 and n = 2((3 + 2α)/3), I find a consistent offset ∆θ∞−86 = 0.08± 0.04.
If the knot is an optically thin shock, which is consistent with the strong linear
polarization, the knot centroid positions could depend on frequency due to radiative
energy losses (e.g., Marscher & Gear 1985). In this case, it would not be possible
to use it as a reference position for measuring core shift due to gradients in electron
energy. Instead, if the knot is a stationary optically thick feature, which is consistent
with its spectrum, then the lack of a significant measured core shift suggests that
the core also is a fixed feature, such as a standing shock.
A core shift is measured, but at low significance, with an average value of the
core shift measure of Ωrν = 18±10 pc GHzp, where the error represents the standard
deviation. A systematic variation in Ωrν is present, which can result from change
in the absorbing medium near the jet Lobanov (1998). For an inclination of the jet
equal to 1.9 ± 0.6◦ (Jorstad et al., 2017), this value of Ωrν gives a distance of 14+10−8
from the 86 GHz core to the convergence point point. This puts the location of the
core at a distance downstream of the Bondi radius of the source, assuming the value
0.5+0.4−0.2 pc found in Chapter 4.
Pushkarev et al. (2012) measured a core shift with lower frequency observations
and found the 15.4 GHz core to be located < 7.88 pc from the base of the jet. It
is notable that this is a similar distance to that estimated for the location of the
86 GHz core in this work, as it would be expected that the 15.4 GHz core should
be located further downstream. This could possibly indicate a difference in the jet
opacity between these two studies.
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Fig. 6.7 Left: 3C 279 intensity profile, with two dashed vertical lines indicating the
location of the two features used to align the images. Right: The core shift plotted
versus frequency for 3C 279.
6.5 3C 345
Total and polarized intensity maps for 3C 345 are shown in Fig. 6.8. Moderately
polarized emission is measured in the core, and strong polarized emission (∼ 7% at
22 and 43 GHz) is found ∼ 0.25 mas west of the core, with weak polarized emission
seen in a component ∼ 1 mas from the core at 43 GHz. An additional component is
present ∼ 2 mas from the core without any measurable polarization. No observations
were made to look at the polarization of this closer component at 86 GHz, which
restricts the ability to carry out a core shift analysis.
6.6 3C 454.3
Total and polarized intensity maps for 3C 454.3 are shown in Fig. 6.9. Notable
polarized emission is seen at 22, 43, and 86 GHz without any appreciable rotation in
the EVPA between these frequencies. The rotation measure of the core is measured
to be insignificant, −100 rad m−2.
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Fig. 6.8 Total (contours) and linearly polarized (color) intensity maps at 22 (top)
and 43 (bottom) GHz for 3C 345.
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Fig. 6.9 Total (contours) and linearly polarized (color) intensity maps at 22 (upper
left), 43 (upper right), and 86 GHz (bottom left) for 3C 454.3.
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Fig. 6.10 3C 454.3 core shift results, which significantly rule out any core shift.
6.6.1 Core Shift Analysis
No core shift is measured for core relative to the knot in 3C 454.3, as shown in
Fig. 6.10. Any core shift is more significantly ruled out in this case relative to 3C
279. It is more strongly suggestive of the case of the core being a fixed feature, such
as a standing shock. Combined with the rotation measure analysis, this indicates
a low value for the electron density and/or magnetic field along the line of sight at
the location of the core. Without a core shift measurement, no estimate on the core
location relative to the Bondi radius can be made.
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6.7 BL Lac
Total and polarized intensity maps for BL Lac are shown in Fig. 6.11. The jet
extends relatively continuously out to ∼ 3 mas from the core. Polarized emission is
seen in the core at all frequencies. A rotation measure of ∼ −6000 rad m−2 is found
in the core. This suggests a notable electron density and/or magnetic field along the
line of sight for a BL Lac object, which are expected to be relatively gas poor.
I find a value neLB‖ = 8.5× 10−3 cm−3 pc G. For an order-of-magnitude esti-
mate, I determine the equipartition values for the magnetic field and electron energy
density in the jet constrained by the observed size of the core at 86 GHz. For the
0.1 pc diameter of the jet, a magnetic field strength of 0.04 G and a electron density
of 3.3 cm−3 are found for uB = ue = 6.4× 10−5 erg cm−3.
6.8 CTA 102
Total and polarized intensity maps for CTA 102 are shown in Fig. 6.12. Weak
polarized emission is seen in the core. No major shift in the EVPA is seen between
22 and 43 GHz, suggestive of a relatively weak magnetic field and electron density in
the core. The source had no observations at 86 GHz, and thus core shift estimates
were unable to be made that are more insightful than previous studies.
6.9 OJ 287
Total and polarized intensity maps for OJ 287 are shown in Fig. 6.13. Polarized
emission is seen in the core at all frequencies. A rotation measure of ∼ −4200 rad m−2
is seen in the core, which indicates a notable electron density and/or the magnetic
field along the line of sight.
134
Ipeak = 4.868 Jy/beam
I = 0.017 Jy/beam
1 mas
Ipeak = 3.024 Jy/beam
I = 0.011 Jy/beam
1 mas
Ipeak = 3.068 Jy/beam
I = 0.022 Jy/beam
1 mas
0.00
0.02
0.04
0.06
0.08
0.10
0.12
I p
ol
. [
Jy
/b
ea
m
]
Fig. 6.11 Total (contours) and linearly polarized (color) intensity maps at 22 (upper
left), 43 (upper right), and 86 GHz (bottom left) for BL Lac are shown.
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Fig. 6.12 Total (contours) and linearly polarized (color) intensity maps at 22 (left)
and 43 (right) GHz for CTA 102.
6.9.1 Core Shift Analysis
A projected half-opening angle of 30 ± 4 degrees is found for the jet using the
vertex-fitting method. Assuming the viewing angle is 2.6 ± 1.4 degrees (Jorstad
et al., 2017), this gives a de-projected half-opening angle of 1.4± 0.7 degrees, which
is consistent within the errors with the value 1.5± 0.7 degrees found in Jorstad et al.
(2017). Additionally, a separation of 0.22+0.03−0.04 mas is found between the 86 GHz core
and the extrapolated vertex point. This value is used as the estimated separation
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Fig. 6.13 Total (contours) and linearly polarized (color) intensity maps at 22 (upper
left), 43 (upper right), and 86 GHz (bottom left) for OJ 287.
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between the 86 GHz core and the convergence point for the core shift estimate and
corresponds to a de-projected separation of 21+20−8 pc.
As shown in Fig. 6.14, a notable core shift is seen at 22 GHz relative to 43
and 86 GHz. Images at 22 GHz are compared to observations from a similar epoch
with RadioAstron (J. L. Go´mez, private communication) to ensure that images are
compared with similar angular resolution at different frequencies. The accompanying
high rotation measure in the core is notable for a BL Lac object, which are thought
to be gas-poor relative to FSRQs, as it indicates that the magnetic field along the
line of sight and/or the electron density is relatively high in the core regions. The
relatively flat power-law fit to the data (p = 0.67+0.58−0.43) is suggestive of a jet with
adiabatic losses. However, a less tight constraint is found here relative to 3C 273 due
to the feature possibly becoming blended with the core at lower frequencies. I find
a core shift measure Ωrν = 19± 10 pc GHzp and estimate a separation of the 86 GHz
core from the convergence point of 10+12−6 pc, which is consistent with the value from
the vertex method.
Estimates of the mass of OJ 287 (∼ 1.8×1010 M: Valtonen et al. 2008) suggest
that the location of the 86 GHz core is a location similar to or within the Bondi radius
(∼ 43 pc). Pushkarev et al. (2012) find a location of the 15.4 GHz core of < 4.13 pc,
which is 5 times closer than the location of the 86 GHz core that I find. This may
also indicate an increase in the jet opacity for the epoch of the observations studied
in this thesis relative to those observed by Pushkarev et al. (2012).
6.10 Conclusions
My analysis of multi-frequency VLBA observations of the parsec-scale jet of 9
additional blazars provides evidence for core shift in some sources and no core shift
in others. For sources with a measured core shift, the cores observed are located
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Fig. 6.14 OJ 287 shows notable coreshift at 22 GHz relative to 43 and 86 GHz.
either close to or downstream of the Bondi radii estimated in chapter 5. Significant
rotation measures are seen in the cores of 1510-089, 1633+382, 3C 279, BL Lac, and
OJ 287. Summaries of the core shift estimates are given in Table 6.3, and summaries
of the rotation measures are given in Table 6.4.
A notable core shift is measured in OJ 287 with a shift in the core location
that decreases with increasing frequency. This, combined with the rotation measure
results, suggests that the magnetic field and/or electron density is relatively high in
this region downstream in the jet at a location similar to or within the Bondi radius.
The 86 GHz core is estimated to be ∼ 5 times farther downstream than the 15.4 GHz
core as determined at a different epoch by Pushkarev et al. (2012), which possibly
suggests an overall increase in the jet opacity. I find no evidence for core shift in the
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Table 6.3. Vertex method and core shift parameter values
Source φ ∆θ∞−86 A p ∆θ∞−86
(deg) (mas) (mas) (mas)
3C 279 − − 0.7+0.6−0.3 0.72+0.40−0.30 0.1 (f)
3C 454 − − 0.2+0.2−0.1 0.06± 0.21 0.1 (f)
OJ 287 30± 4 0.22+0.04−0.03 3.6+20.8−2.9 0.67+0.58−0.43 0.22 (f)
Note. — Core shift fit parameters for sources where an es-
timate of core shift was able to be made. The model is a
power-law with constant offset of form ∆θ = A( ν
1 GHz
)−p −
∆θ∞−86 [ mas]. Parameters that are fixed and not allowed to
vary in the fitting have ‘(f)’ listed next to them.
Table 6.4. Rotation measure values
Source Core Ext. jet Ext. jet grad.
( rad m−2) ( rad m−2) ( rad m−2) ( rad m−2 mas−1)
1510-089 −1530 − −
1633+382 −940 − −
3C 279 −930 −14 −5000± 6000
3C 454 −100 − −
BL Lac −6000 − −
OJ 287 −4200 − −
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jet of 3C 454.3 and no significant rotation measure, indicative of a constant feature
such as a standing shock with a relatively low electron density and magnetic field
strength.
I find a statistically insignificant core shift in 3C 279. A notable rotation mea-
sure gradient is measured in the core but not in the extended jet. If the core is a
stationary feature, such as a standing shock, this may indicate an orderly magnetic
field near the core with a change in the magnetic field strength or the electron density
along the line of sight. If the observed shift in the core is real, then the jet opacity
may be increased relative to the epoch observed by Pushkarev et al. (2012).
A rotation measure gradient in the jet of PKS 1510-089 shows variation consis-
tent with a helical magnetic field on parsec scales downstream of the Bondi radius.
Additionally, large rotation measures are found in the cores of PKS 1510-089, PKS
1633+382, 3C 279, BL Lac. The rotation measures indicate either notable magnetic
field strengths along the line of sight and/or electron densities in the core in these
jets at locations downstream of the Bondi radius.
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Chapter 7
Results: Putting Results on AGN
Accretion Disks and Jets into Context
In this chapter, I will place my results in the context of the big picture of AGN
physics. The evolution of SMBHs over time is directly linked to galaxy evolution
due to AGN feedback (Berti & Volonteri, 2008). The way in which SMBH evolution
proceeds should leave distinct populations of SMBH based on their spins. For this
reason, a SMBH spin census has been built up over the last decade to help under-
stand the role of SMBHs in galaxy evolution. In this model, SMBHs can regulate
star formation. The connection between the accretion disk and the jet is vital for un-
derstanding how SMBHs ultimately deposit enormous amounts of energy into their
host galaxies and influence star formation.
7.1 SMBH Spin Census
In Chapter 3, I found a near maximal spin for the SMBH in NGC 4151. This
continues the trend that a majority of the ∼ 25 SMBH robust spin measurements
(Brenneman, 2013; Reynolds, 2013a). A majority of rapidly rotating SMBHs fits
generally into the context of studies of the cosmic X-ray background, as spinning
black holes can provide the high efficiency mass-to-energy conversion needed to ex-
plain the contribution of quasars to the Cosmic X-ray background (Elvis et al., 2002).
A recent study of broad Fe Kα lines in higher redshift (1.0 . z . 4.5) quasars by
Walton et al. (2015) showed significant broad Fe Kα emission in the stacked spec-
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Fig. 7.1 The current distribution of robust SMBH spin measurements.
tra of 27 lensed-quasars observed with Chandra that was best described with a spin
a ∼ 0.7. Incorporating recent spin measurements (e.g., Pasham et al. 2019), I show
the current distribution of robust SMBH spin measurements in Fig. 7.1.
If this trend were to persist for an unbiased sample, this would suggest that
SMBHs have primarily evolved via prolonged, orderly accretion (Berti & Volonteri,
2008). In this scenario, the material accreting into the black hole slowly spins up the
black hole to its high rotation rate over a long period of time, rotating in the same
orientation as the infalling gas. This slow evolution of SMBH spin is in contrast to
stellar mass black holes, which attain their spin when they are first created (Brenne-
man, 2013). This may indicate that a majority of Seyfert 1 galaxies have a history of
their SMBHs being fed relatively consistently from a reservoir of gas in a plane similar
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to the accretion disk rather than a history of less frequent and/or randomly-oriented
episodic accretion events. This may be able to put constraints on the episodic nature
of the AGN phenomenon in which galaxies periodically go through AGN states when
large reservoirs of gas fall in towards the black hole (Hickox et al., 2014).
However, the trend of a majority of SMBH spin measurements being near-
maximal is not yet significant due to the low number statistics and the current bias
of the sample towards bright AGN mostly of the type Seyfert 1. A flux-limited
sample such as this will be biased towards higher spins for several reasons. First,
accretion efficiency is higher for higher spin because the ISCO extends closer to the
black hole, which causes SMBHs with high spin to be more luminous (Brenneman
et al., 2011). Measuring the subtle relativistic distortion of Fe Kα lines requires both
good energy resolution and effective area, which has limited the sample to the bright
Seyfert 1 AGN which have been studied. Second, change in the ISCO radius is more
significant for spins near the maximal value, which makes the change in the Fe Kα line
profile more dramatic and thus makes it possible to constrain higher spin values with
shorter observations that are more feasible with current X-ray telescopes. Finally,
disentangling the spectral features of absorption from those of relativistic reflection
has largely limited spin measurements to relatively unabsorbed Seyfert 1 AGN until
recently with the advent of NuSTAR. Still, the moderate energy resolution of current
X-ray CCDs makes characterizing highly absorbed sources with multiple absorbing
regions a challenge.
7.2 Accretion Disk/Jet Connection in AGN
In this section, I explain how my work on Seyfert galaxies and blazars advances
upon previous studies attempting to understand the accretion disk/jet connection in
AGN. Studies have shown a connection between events in the inner accretion disk
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preceding events in the jets of radio galaxies 3C 111 (Chatterjee et al., 2009) and
3C 120 (Chatterjee et al., 2011; Lohfink et al., 2013). Radio galaxies show emission
features similar to those of Seyfert galaxies as well as blazars and are, thus, useful
objects for drawing similarities between these two types of AGN. I highlight NGC
4151, which is a Seyfert galaxy that has weak radio jet emission that I studied in
Chapter 3, and 3C 273, which is a quasar with a Seyfert-like component in its X-ray
spectral energy distribution that I presented in Chapter 5.
Radio galaxies 3C 111 and 3C 120 have shown clear correlations between tran-
sient drops in the X-ray flux and subsequent ejection of new blobs of plasma in their
jets observed in the radio (Chatterjee et al., 2009, 2011; Marscher et al., 2018). The
dips in the X-ray were ascribed to disturbances in the inner disk leading to material
in this region to be ejected into the jet. A spectral analysis of the X-ray emission of
3C 120 found this picture to be consistent, concluding that both a disk and jet com-
ponent were required to reasonably explain the 1− 10 keV X-ray spectrum (Lohfink
et al., 2013).
Sources such as 3C 111 and 3C 120 are incredibly valuable for attempting to
unite radio quiet and radio loud AGN, but there are few other radio galaxies ex-
hibiting this behavior that can be studied in this detail with X-ray observatories and
VLBI, which inhibits making statistically significant conclusions on these objects as
a class. However, other objects exhibit features of both Seyfert AGN and radio-loud
AGN to some degree, and any information they may provide can help advance the
conversation on uniting AGN. It is of interest to compare and contrast 3C 273 with
NGC 4151, as 3C 273 has moderate reflection features and strong jet emission, while
NGC 4151 has weak jet emission and strong disk emission.
In Chapter 3, I investigated some physical models for the accretion disk and
corona system of NGC 4151 in which the corona primarily illuminates the accretion
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disk from a small region on the rotational axis above the disk. In this scenario,
one hypothesis is that the corona corresponds to the base of the jet (Markoff et al.,
2005). This can help build a consistent picture of many of the measured properties
of the source, including a relatively low reflection fraction and a relatively hard
coronal power-law. NGC 4151 does possess a weak radio jet that is observed to
have sub-relativistic speeds on ∼ pc scales (Ulvestad et al., 2005). It is possible
that the jet in the system may be described by the aborted-jet scenario (Ghisellini
et al., 2004), in which a jet is produced with a low velocity and fails to escape
the gravitational potential of the SMBH. In this scenario, the jet outflow might be
relatively uncollimated akin to the Blandford-Payne mechanism (Blandford & Payne,
1982). This may allow for the black hole to have a high spin while failing to produce
a highly-relativistic jet.
In Chapter 5, I conclude that the jet of the 3C 273 is conical with lateral
adiabatic expansion on pc scales similar to or downstream of the Bondi radius. 3C
273 shows evidence for relativistic distortion in its optical-UV (Blaes et al., 2001)
spectra, and it also has been shown to require reflection in its X-ray spectra arising
from the accretion disk (e.g., Madsen et al. 2015). It may be possible that the
Blandford-Znajek mechanism is operating in this source, such that accretion in this
object does lead to powerful, highly relativistic jets (Blandford & Znajek, 1977b).
This may help to explain the difference in the jet power produced by the accreting
black holes in NGC 4151 and 3C 273. The question remains, however, as to why
the Blandford-Znajek process operates in the quasar, but not in the Seyfert galaxy,
despite the high value of its black hole spin.
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7.3 Probing Ionized Gas in the Nucleus
I probe ionized gas in the nucleus of NGC 4151 via X-ray spectroscopy and the
pc-scale nuclear environments of blazar jets. My analysis of rotation measures in
several blazar jets indicated that, if the rotation measure arises external to the jet, a
gas density n ∼ 107 cm−3 is needed to balance the jet magnetic energy density. This
is on the order of the density of ambient plasma in the broad line region (Beckmann
& Shrader, 2013). This is roughly consistent with the picture of the seed photons
for external Compton emission in blazar SEDs originating in the broad-line region
(e.g., Joshi et al. 2014). The external pressure on the jet modifies the expected radial
profiles of the magnetic field and density in the jet (Daly & Marscher, 1988), causing
them to fall off more slowly in the presence of external pressure, forming a standing
shock that can serve as the core at some radio frequencies.
In the Seyfert AGN NGC 4151, I find evidence for two separate highly ionized
regions of gas. The first had a column density NH = 2.4
+0.5
−0.6 × 1022 cm−2 and an
ionization parameter log(ξ/ erg cm s−1 ) = 3.3± 0.1, which is the ratio of the ionizing
flux to the gas density ξ = Lion/nr
2 (e.g., Garc´ıa et al. 2013b). This highly-ionized
gas resides near the black hole at a radius, on an order-of-magnitude, r ∼ Lion/(ξNH).
This gives an upper-limit on the location of the highly-ionized absorber in NGC 4151
on the order of 2×1017 cm or ∼ 104 rg in the source. In many Seyfert AGN as well as
radio-loud AGN, highly-ionized gas has been observed to be outflowing at relativistic
velocities (e.g., Tombesi et al. 2012), arising on scales of 102 − 105 rg ranging from
radii on the order of the outer accretion disk to the broad line region. The production
of these winds may fit into the context of the Blandford-Payne mechanism, in which
winds are produced by centrifugal forces.
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Chapter 8
Conclusions and Future Prospects
In this thesis, I probe accretion disks and jets close to the SMBH. Through
observations with the NuSTAR and Suzaku X-ray observatories, I have studied the
first simultaneous, high S/N 3 − 79 keV spectrum of the Seyfert 1.5 galaxy NGC
4151 and measured a near-maximal spin for its SMBH. The overall X-ray spectrum
is consistent with a very compact, outflowing corona that illuminates the accretion
disk. I consider a model accounting for these features only with complex layers of
absorption, but the inner disk reflection model is statistically and physically bet-
ter able to describe the time-averaged and time-resolved spectra, including ∼ 4 hr
timescale spectral variability that is well described with anti-correlated coronal and
inner disk emission. The measurement of the near maximal spin in a relatively ab-
sorbed Seyfert galaxy adds another near-maximal spin to the SMBH spin census,
which so far mostly comprises of measurements in Seyfert galaxies.
With DCT spectra of blazar optical emission lines, I have estimated the masses
and Bondi radii of SMBHs in blazars, finding that the Bondi radii in these sources
are on similar pc scales as those probed with ∼ 43 GHz VLBA observations in many
sources. With multi-frequency VLBA observations from 8−86 GHz, I have probed the
jets of 10 blazars with unprecedented high-frequency and high-resolution, allowing
for the jets and their external medium to be probed farther upstream than previous
studies. I find that the jet of 3C 273 is conical and experiences lateral, adiabatic losses
on ∼ pc scales just larger than the Bondi radius of its SMBH. I find that the 86 GHz
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core in the BL Lac object OJ 287 is located ∼ 22 pc downstream of the base of the
jet, and that a relatively high magnetic field strength and electron density is observed
in this region. This location is ∼ 5 times farther downstream than the 15.4 GHz core
observed at a previous epoch, possibly indicating an increase in jet opacity between
these epochs. The quasar 3C 454.3 shows features on pc scales near its 86 GHz core
that seem best described as standing shocks. 3C 279 shows insignificant constraints
hinting that the location of the 86 GHz core is well beyond the Bondi radius and at
a location similar to the location of the 15.4 GHz core observed in a previous epoch.
In view of the sample of black hole spin measurements so far, it would be conve-
nient to conclude that SMBHs have evolved primarily through prolonged accretion,
generally spinning up a majority of black holes at z < 2 to near maximal, prograde
values. However, the sample is populated by the brightest, relatively unabsorbed
Seyfert galaxies, which are generally of spiral type. So, much more of the picture has
yet to be put in place regarding the evolution of SMBHs as a whole. I compare NGC
4151, which I measure to have a near maximal spin and has weak jet emission, and
3C 273, which is a powerful quasar with Seyfert-like features in its spectra. I have
discussed how the primary outflow mechanism in terms of the Blandford-Payne and
Blandford-Znajek mechanisms may help to differentiate these two objects. I consider
the ionized gas in the environments of AGN disks and jets, which should be generally
situated on the order of the outer accretion disk and broad-line region.
The next several decades hold significant promise in regards to advancing the
characterization of the inner accretion disk and jet and the build-up of the black hole
spin census. In addition, jets will be able to be probed closer to the black hole than
ever before to push towards finding the observational link between the accretion disk
and jet. I look to future observations with current instruments and the upcoming X-
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ray facilities XRISM and Athena, the future space-based gravitational wave mission
LISA, and the radio interferometric Event Horizon Telescope array.
8.1 XRISM
XRISM is a JAXA X-ray observatory in development that is currently esti-
mated to be launched in the 2021 fiscal year. XRISM will complete the scientific
mission started by the Hitomi mission (Takahashi et al., 2016). It features a calorime-
ter spectrometer which will allow for high-resolution spectroscopy (< 7 eV FWHM)
alongside moderate effective area comparable to current X-ray observatories Chandra
and XMM-Newton. This will allow for the characterization of black hole accretion
disks in greater detail. Many properties of the accretion disk system can cause more
subtle changes in the Fe Kα line profile, including low black hole spin and different
coronal geometries, and this observatory will have the energy resolution to constrain
these subtleties in the line profiles. In addition, its high energy resolution will allow
for the absorption and reflection features in AGN X-ray spectra to be more unam-
biguously disentangled. When observing in concert with NuSTAR with its hard
X-ray optics, black hole spins will be able to be constrained in more highly absorbed
(NH ∼ 1023 − 1024 cm−2 ) objects that have proved to be ambiguous in previous
studies.
8.2 Athena
Athena is an X-ray observatory being developed as a large class ESA mission
that is currently planned to be launched in the early 2030s (Barcons et al., 2017).
Athena will feature a high energy resolution X-ray instrument called the X-ray inte-
gral field unit that will have 2.5 eV energy resolution and an effective area that will
be notably larger at 1 keV (∼ 45× larger) and in the Fe Kα band (∼ 6× larger) than
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the best current and near-future instruments for measuring black hole spin. Due to
its high effective area and high energy resolution, Athena will allow for a significant,
unbiased SMBH spin census. This census will be able to be used to test models
of SMBH evolution, specifically whether SMBHs have evolved through accretion or
mergers (see Berti & Volonteri 2008).
8.3 LISA
Space-based gravitational wave detectors will allow for the characterization of
merging SMBH systems in extraordinary detail (Takahashi et al., 2016). As demon-
strated by LIGO, the spins of merging black holes can be determined by the gravi-
tational waves they produced in the final moments before the merger (Abbott et al.,
2016) The lower frequency gravitational waves produced by mergers of SMBHs neces-
sitate long baselines that may only be achieved with space based laser interferometers.
LISA will allow for advancing the SMBH spin census through the addition of spin
measurements of merging SMBHs.
8.4 Event Horizon Telescope
The Event Horizon Telescope (EHT) will enable probes of AGN jets closer to the
black hole than existing VLBI facilities because it will operate at∼ 1 mm wavelengths
(Fish et al., 2011). Due notably to the inclusion of ALMA and its many antennas, the
EHT can probe jets at high sensitivity. The EHT has continued to fold in additional
telescopes into the array in order to improve its u−v coverage and angular resolution,
including its longest baseline that will stretch from Greenland to the South Pole. this
will allow for blazar properties such as jet shape and magnetic field configuration near
the base to be determined farther upstream in the jet (. 0.1 pc from the black hole)
than previously possible with near-Earth-diameter baselines.
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8.5 Conclusion
Through the study of the innermost regions of SMBH accretion disks and jets,
I looked to connect radio-quiet AGN with radio-loud AGN and accretion disks with
jets. I characterized the compact coronal illuminating geometry and near-maximal
SMBH spin in Seyfert AGN NGC 4151 and the conical shape of the pc scale jet in
quasar 3C 273. As I observed, Seyfert AGN and quasars can share a number of sim-
ilarities, including harboring jets, rapidly rotating black holes, and nuclei filled with
dense, ionized plasma despite the many differences between these objects. Probing
the inner accretion disk and jet in sharper detail with future X-ray telescopes and
VLBI arrays may help us to understand why only ∼ 10% of AGN end up being
radio-loud, depositing significant energy back into their host galaxy.
Appendix A: Thermal Disk Spectrum
Code
1
2 #include <Python . h>
3 #include <numpy/ a r rayob j e c t . h>
4 #include <math . h>
5
6 // Forward func t i on d e c l a r a t i on .
7 stat ic PyObject ∗diskringspec ( PyObject ∗self , PyObject ∗args ) ;
8
9 stat ic PyObject ∗arraytest ( PyObject ∗self , PyObject ∗args ) ;
10
11
12 // Bo i l e r p l a t e : method l i s t .
13 stat ic PyMethodDef methods [ ] = {
14 { ” d i s k r i n g s p e c ” , diskringspec , METH_VARARGS , ”Doc s t r i n g . ” } ,
15 { ” a r r a y t e s t ” , arraytest , METH_VARARGS , ”Doc s t r i n g . ” } ,
16 { NULL , NULL , 0 , NULL } /∗ Sen t i n e l ∗/
17 } ;
18
19 // Bo i l e r p l a t e : Module i n i t i a l i z a t i o n .
20 PyMODINIT_FUNC initdiskringspecc (void ) {
21 (void ) Py_InitModule ( ” d i s k r i n g s p e c c ” , methods ) ;
22 import_array ( ) ;
23 }
24
25 /∗ ∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗
26 ∗ example from : h t t p s :// g i t hu b . com/ johnny l ee /python−numpy−c−←↩
ex tens ion−examples
27 ∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗ ∗/
28
29 /∗ ∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗
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30 ∗ Array acces s macros . ←↩
∗
31 ∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗ ∗/
32 #define nu( x0 ) (∗ ( npy f l oa t64 ∗) ( ( PyArray DATA( py nu ) + ←↩
\
33 (x0 ) ∗ PyArray_STRIDES ( py_nu ) [ 0 ] ) ) )
34 #define nu shape ( i ) ( py nu−>dimensions [ ( i ) ] )
35
36 #define r ( x0 ) (∗ ( npy f l oa t64 ∗) ( ( PyArray DATA( py r ) + \
37 (x0 ) ∗ PyArray_STRIDES ( py_r ) [ 0 ] ) ) )
38 #define r shape ( i ) ( py r−>dimensions [ ( i ) ] )
39
40 #define F( x0 ) (∗ ( npy f l oa t64 ∗) ( ( PyArray DATA( py F ) + \
41 (x0 ) ∗ PyArray_STRIDES ( py_F ) [ 0 ] ) ) )
42 #define F shape ( i ) ( py F−>dimensions [ ( i ) ] )
43
44
45 /∗ ∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗
46 ∗ d i s k r i n g s p e c ←↩
∗
47 ∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗∗ ∗/
48 stat ic PyObject ∗diskringspec ( PyObject ∗self , PyObject ∗args ) {
49
50 // Declare v a r i a b l e s .
51 npy_int64 Nnu , Nr ;
52 npy_float64 temp0 , r0 , d , thlos ;
53 PyArrayObject ∗py_nu , ∗py_r , ∗py_F ;
54
55 npy_int64 i , j ;
56 npy_float64 pc , pi , flux , fluxadd , ainu1 , temp , expon , ainu , rold , ←↩
aiold , slope , spec ;
57
58
59 // Parse arguments .
60 i f ( ! PyArg_ParseTuple (args , ” llddddO !O!O! ” ,
61 &Nnu ,
62 &Nr ,
63 &temp0 ,
64 &r0 ,
65 &d ,
66 &thlos ,
67 &PyArray_Type , &py_nu ,
154
68 &PyArray_Type , &py_r ,
69 &PyArray_Type , &py_F ) ) {
70 return NULL ;
71 }
72
73
74 pc = 3.086 e18 ;
75 pi = 3 .141 59 ;
76
77 rold = 0 . 0 ;
78 aiold = 0 . 0 ;
79
80 // Compute f o r c e s between pa i r s o f bod i e s .
81 for (i = 0 ; i < Nnu ; ++i ) {
82
83 flux = 0 . 0 ;
84 fluxadd = 0 . 0 ;
85 ainu1 = 0.0147 ∗ pow ( 1 . 0e−15∗nu (i ) , 3 . 0 ) ;
86
87 for (j = 0 ; j < Nr ; ++j ) {
88
89 temp = temp0 ∗ pow ( 1 .0/ r (j ) , 0 . 7 5 ) ;
90 expon = 4.80e−11 ∗ nu (i ) /temp ;
91 // as long as temp decrease s wi th radius , us ing break i s v a l i d ←↩
( i n s t ead o f cont inue )
92 i f ( expon>50.0 ) {
93 break ;
94 }
95
96 ainu=ainu1 /( exp ( expon ) −1.0) ;
97
98 i f ( j==0 ) {
99 rold=r (j ) ;
100 aiold=ainu ;
101 }
102
103 else {
104 slope=log10 ( ainu/aiold ) /log10 (r (j ) /rold ) ;
105 fluxadd=2.0∗pi /( slope+2.0)∗aiold∗pow (rold , 2 . 0 ) ∗( pow ( ( r (j ) /←↩
rold ) , (2 .0+ slope ) ) −1.0) ;
106 flux+=fluxadd ;
107 rold=r (j ) ;
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108 aiold=ainu ;
109 }
110 }
111 spec=flux ∗ pow (r0 , 2 . 0 ) / ( 1 . 0 e−26∗pow (d∗pc , 2 . 0 ) ) ∗cos ( thlos ) ;
112 F (i )=spec ;
113 }
114 Py_RETURN_NONE ;
115 }
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